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Stellar spiral arms play a crucial role in the formation and evolution of gaseous
structures in disk galaxies by triggering and/or organizing star formation. They also
drive secular evolution of both stars and gas and thereby redistribute the mass in
galactic disks by exchanging the angular momentum between them. In this thesis,
we use both numerical simulations and analytic calculations to investigate the mor-
phological and dynamical evolution of a gaseous disk induced by stellar spiral arms
and to explore the relative effects of the associated physical agents such as spiral
arms, gaseous self-gravity, and magnetic fields.
Using two-dimensional hydrodynamic simulations, we first investigate nonlinear
responses of self-gravitating gas to an imposed stellar spiral potential in galactic
disks. By considering various models with different arm strength and pattern speed,
we find that the physical properties of imposed spiral potential have profound in-
fluences on the shapes and extent of gaseous arms as well as the related mass drift
rate. To produce quasi-steady spiral shocks, the gas has to not only move faster than
the local sound speed relative to the perturbing potential, but also have sufficient
time to respond to one arm before encountering the next arm. From the physical
interpretations of our numerical results, we provide a simple expression for the ex-
istence of quasi-steady spiral shocks, which is consistent with the previous finding.
We also measure the mass drift rates that are in the range of ∼ 0.5 − 3.0 M yr−1
inside the corotation radius, and further quantify the relative contribution of shock
dissipation (∼ 50%), external torque (∼ 40%), and self-gravitational torque (∼ 10%)
to them. The offset between the pitch angles of stellar and gaseous arms is larger
for smaller arm strength and larger pattern speed since a deeper potential tends to
form shocks closer to the potential minima of the arms. We demonstrate that the
distributions of line-of-sight velocities and spiral shock densities can be a diagnostic
i
tool in distinguishing whether the spiral pattern rotates fast or not.
Galactic spiral arms are abundant with interesting gaseous substructures. It has
been suggested that arm substructures arise from the wiggle instability (WI) of
spiral shocks. While the nature of the WI remained elusive, our recent work without
considering magnetic fields shows that the WI is physically originated from the
accumulation of potential vorticity generated by deformed shock fronts. To elucidate
the characteristics of the WI in more realistic galactic situations, we extend our
previous linear stability analysis of spiral shocks by including magnetic fields. We
find that magnetic fields reduce the amount of density compression at shocks, making
the shock fronts to move toward the upstream direction. Unperturbed magnetic
fields stabilize the WI by reducing the density compression factor in the background
shocks, rather than perturbed fields derived form the distorted shock fronts. When
the spiral-arm forcing is F = 5% of the centrifugal force of galaxy rotation, the
maximum growth rate of the WI is found to be about ∼ 0.2− 1.5 times the orbital
angular frequency for the plasma parameter β = 3 −∞. The most unstable modes
for our fiducial models have a wavelength of ∼ 0.1 − 0.2 times the arm-to-arm
separations, which is well matched with a mean spacing of observed feathers.
Finally, we perform global simulations of galactic gaseous disks by including
magnetic fields. The disks have an exponential density distribution and are threaded
by azimuthal magnetic fields, but still remain infinitesimally thin. Magnetic fields
reduce the shock strength due to the magnetic pressure force, which in turn results
in larger offsets between the stellar and gaseous arms and lower mass drift rates than
those in the unmagnetized counterparts. We also confirm that the WI is suppressed,
although not completely, by the presence of magnetic fields. The measured spacing
of the WI-induced nonaxisymmetric features has a range of ∼ 0.1 − 0.4 times the
arm-to-arm distance, consistent with that of observed interarm features. In strongly
magnetized models, magnetic fields stretched by the spiral potential accumulate in
ii
between two shocks near the corotation radius, developing into magnetic arms with
less density but stronger fields than the surrounding regions. This is quite similar to
the observed magnetic arms in M83.
Keywords: galaxies: ISM − galaxies: kinematics and dynamics − galaxies: spiral
− galaxies: structure − hydrodynamics and magnetohydrodynamics − shock
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Disk galaxies possess prominent non-axisymmetric features such as spiral arms and
bars. These large scale structures have profound influences on various processes such
as global star formation, secular evolution, and morphological changes of galaxies.
As observations generally indicate that most spiral galaxies are abundant in gas,
in particular, the inter-relationship between gas and stars is of great importance
since it redistributes the mass in the disk by their angular momentum exchange.
Redistributing mass will change the morphological structures and finally affect the
star formation activity in galaxies. Understanding the gravitational interaction of the
stellar component with a gaseous medium is therefore crucial to examine evolution
of galaxies. Even though various observations and many theories have seemed nearly
close to the answers during several decades, the mechanisms for the interplay between
gas and stars have proven to be far from straightforward, and it still remains many
important questions unsolved and controversial.
One of interesting issues in galactic gas dynamics is formation of large- and small-
scale structures which include dark dust lanes, interarm feathers, giant molecular
clouds and other substructures associated with stellar spiral patterns. Despite nu-
merous theories and observations focusing on the formation of arm structures, how
1
2 Introduction
the physical parameters of gas disk and stellar spiral arms affect the characteristics
of gaseous features is relatively poorly understood. This comes from the limited res-
olution in observing these features precisely and a lack of our knowledge about the
associated physical mechanism including self-gravity of gas, magnetic fields, and so
on. Especially, magnetic fields pervasive in the interstellar medium (ISM) can be
thought a fundamental physical agent for the formation of both large- and small-
scale structures.
In this thesis, we investigate dynamical evolution of a gaseous medium by us-
ing numerical hydrodynamic and magnetohydrodynamic simulations. In addition,
we explore the instability process in magnetized spiral shocks by performing both
numerical simulations and a linear stability analysis, which is believed to affect the
formation of interarm features. Our primary purpose of this work is to investigate
the physical properties of gaseous structures induced by stellar spiral arms and un-
derstand their relationship. We also examine the effects of magnetic fields on the
gaseous structures, which have not been studied much due to the lack of observa-
tional evidences and analytic/numerical interpretations.
In the remainder of this Chapter, we review previous theories and investigations
of galactic spiral arms. We provide an analytic derivation of a steady shock solution
for logarithmic spiral arms in Section 1.1. We also present interesting observation
aspects in this section. In Section 1.3, we briefly summarize observational evidences
involved in formation of interarm features induced by large-scale spiral shocks and
existing theories of physical processes for forming substructures. In Section 1.2,
we then review observed properties of galactic magnetic fields which may play an
important role in encouraging or suppressing the instability process in disk galaxies.
We close this Chapter by providing purpose and outline of this thesis in Section 1.4
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1.1 Galactic Spiral Shocks
Galaxies are classified by their optical appearance into three main groups: elliptical,
disk and irregular galaxies (Hubble 1936). Among them, disk galaxies generally have
large-scale spiral arms and/or bars, and show active star formation well organized
along these large-scale structures due to large amounts of gas on the disk plane. In
Figure 1.1, the optical image of M51, which is one of representative disk galaxies, is
dominated by grand-design spiral arms with narrow dust lanes, OB star complexes,
and giant H II regions. The formation of the spiral pattern is commonly explained
by the manifestation of spiral density waves (Lin & Shu 1964, 1966), which arise
from perturbations of the galactic disk enhanced by its differential rotation. Large-
scale spiral patterns are mostly composed of old population stars and provide the
gravitational potential well. The response of a gaseous medium to this potential well
makes strong gas compression within the spiral pattern, forming large-scale spiral
shocks appeared as the dark dust lanes and resulting in an enhanced star formation
(Fujimoto 1968; Roberts 1969).
The studies of large-scale spiral pattern has been progressed in two different as-
pects about arm sustainability. First, as already mentioned, the hypothesis of quasi-
stationary spiral structure considers spiral arms as a density wave which propagates
with a constant pattern speed to avoid the “winding dilemma” (Lin & Shu 1964).
Another theory assumes spiral arms as a transient features driven by tidal interac-
tions (e.g. Toomre & Toomre 1972; Hernquist 1990; Salo & Laurikainen 2000; Oh
et al. 2008; Dobbs et al. 2010). Regardless of its origin, nevertheless, overall gaseous
structures as a consequence of the gas response to the spiral arms are almost similar
as the stationary shock in Roberts (1969) (see also Fujimoto 1968; Kim & Ostriker
2007). Roberts (1969) demonstrated that spiral potential arising from the stellar
disk produces strong spiral shocks in the gaseous medium and provided predicted









































































































values of gaseous shocks have been observed for many galaxies including M51 (e.g.
Rand 1995; Aalto et al. 1999; Shetty et al. 2007), M81 (e.g. Visser 1980; Lowe et al.
1994), and so on.
Here we briefly explain semi-analytic approach of Roberts (1969) based on the
self-sustained density waves suggested by Lin & Shu (1964), which is used as fiducial
arm model for this thesis. Under the framework of Lin & Shu (1964), the spiral
pattern is assumed to remain stationary with a constant pattern speed Ωp and pitch
angle p∗ for many galactic revolutions. The external potential due to the spiral
pattern can be specified as a simple sinusoidal form at time t in the inertial frame
by
Φext = Φ0 cos[mφ− φ0(R)−mΩpt], (1.1)
where m and φ0(R) are the number of arms and reference phase angle, respectively.










where vc is the rotation velocity of galaxies, which measures the maximum radial
perturbation force relative to the radial force from the background axisymmetric
gravitational potential (Roberts 1969; Shu et al. 1973). Under this condition, a
stationary shock can be achieved such that a strong density jump at the shock is
located near the potential minimum and density rapidly decrease toward downstream
direction of the shock (see Kim & Ostriker 2002 for more detailed explanations). This
stationary shock appears as the dark dust lanes within the bright stellar spiral arms,
as shown in Figure 1.1.
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A number of theoretical and observational studies have been proposed to verify
the density wave theory and obtain parameters of spiral arms. Among them, the
interesting theories and observations are about the radial extension and pitch angle
of the spiral density waves, compared with those of spiral shocks (gaseous arms).
The theory for spiral density waves suggests that the stellar spiral pattern extends
up to the corotation resonance (CR) or to the outer Lindblad resonance (OLR) if
it is in the linear-regime (e.g. Toomre 1981; Lin & Lau 1979; Bertin et al. 1989a,b;
Zhang 1996) and to the ultraharmornic resonances if it is in the nonlinear-regime
(Contopoulos & Grosbøl 1986, 1988; Patsis et al. 1991). Whether the termination of
gaseous arms induced by stellar potential corresponds to the resonance radii has not
yet to be seen. Recent observations showed that arm pitch angles are slightly larger in
the I- or H-band than in the B-band (Seigar et al. 2006; Davis et al. 2012; Mart́ınez-
Garćıa 2012), suggesting that gaseous arms are in general more tightly wound than
the stellar arms. The semi-analytic and numerical approaches also presented similar
results to those of observations (Gittins & Clarke 2004). Based on the hypothesis of
Lin & Shu (1964), in this thesis, we will study the relationship between stellar and
gaseous arms by considering various physical parameters of spiral arms, such as F
and Ωp.
1.2 Magnetic Fields in Disk Galaxies
Magnetic fields are of particular importance for evolution of the ISM and distri-
butions of cosmic rays. In disk galaxies, magnetic fields can be divided into two
components: a large-scale, ordered one and a small-scale, random one. Although
many important questions, especially their origin and evolution, remain unsolved,
the most promising mechanism to sustain magnetic fields in the ISM of galaxies is
the dynamo (Beck et al. 1996). Schleicher et al. (2010) showed that a small-scale
dynamo action in protogalaxies amplifies seed fields to several µG strength of which
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energy level is similar to that of turbulence. The large-scale magnetic fields are gen-
erated by the mean-field dynamo which is based on turbulence, differential rotation
and helical gas flows, driven by supernova explosions (Gressel et al. 2008), forming
spiral patterns or modes with different azimuthal and vertical symmetries in the
disk and halo, respectively.
Polarized emission at optical, infrared, submillimeter and radio wavelengths al-
lows us to measure magnetic fields in galaxies. In optical wavelength, a linear po-
larized light comes from the extinction by dust grains aligned its short axis parallel
to the interstellar magnetic field (Davis-Greenstein effect). However, optical light
can be contaminated by polarization due to scattering and is difficult to subtract
from the diffuse polarized emission of galaxies (Scarrott et al. 1987). As linearly
polarized emission at infrared and submillimeter wavelengths is not affected by po-
larized scattered light, this is more efficient way to measure the magnetic fields but
only a few galaxies have been observed due to the limited resolution. Most popular
way to measure the interstellar magnetic fields is using Zeeman splitting of radio
spectral lines, such as H I 21cm and OH 18cm lines. This can directly measure the
field strength in gas cloud of Milky Way and in starburst galaxies. Another way
to measure magnetic fields is to employ Faraday rotation of the polarization angles
of the linearly polarized radio emission. The rotation measure (RM) is defined as
RM = ∆χ/∆λ2 where the rotation angle ∆χ is proportional to the square of the
wavelength λ2, while the dispersion measure (DM) is defined as the line-of-sight inte-
gral over the product of the plasma density and the strength of the field component
along the line of sight. The strength of the regular field can be obtained from the
ratio between them (Beck 2005). As the rotation angle is sensitive to the sign of the
field direction, however, this only provides the strength of regular field component,
not that of anisotropic and random fields. To measure the perpendicular compo-
nent of magnetic fields, one can use the intensity of synchrotron emission measured
8 Introduction
from the number density of cosmic-ray electrons in the relevant energy range. The
assumption of energy equipartition between cosmic rays and the magnetic fields al-
lows us to calculate the total magnetic field strength from the synchrotron intensity
and also provides the direction of perpendicular component of magnetic fields.
Although various tools to measure magnetic fields provide somewhat different
values for its strength in galaxies due to their assumptions and complicate states
of the ISM, the measured strength of the total magnetic field in disk galaxies is
not much different depending on the measurement tools. The typical equipartition
strength of the total magnetic field in spiral galaxies, determined from their total
synchrotron emission, is about 10µG (Beck & Krause 2005). Radio-faint galaxies
like M31 and M33 have relatively weaker magnetic field strength of ∼ 5µG, while
gas-rich galaxies with high star formation rates, such as M51 (right panel of Figure
1.1), M83 and NGC 6946 (Figure 1.2), have stronger mean field of ∼ 20µG (Beck &
Wielebinski 2013). M82 (Klein et al. 1988) and NGC 4038/9 (“Antennae” galaxies,
Chyży & Beck 2004), show the strongest field strengths of 50 − 100µG in nuclear
starburst regions.
Almost every galaxies exhibit ordered (regular and/or anisotropic) fields traced
by polarized synchrotron emission from spiral patterns (Beck 2005). The strength of
ordered fields is typically 1− 5µG, whereby exceptionally strong fields of 10− 15µG
are detected in the regions between the optical spiral arms and oriented parallel to
the adjacent optical spiral arms. The galaxies with strong arms like M51 and M83
show enhanced ordered fields occurring at the edges of the optical arms as predicted
by mean-field dynamo action, while some galaxies like in NGC 6946 (right panel of
Figure 1.2) and IC 342 (Krause et al. 1993; Beck 2015) form “magnetic arms” in
between optical arms, which have strongest magnetic fields but low surface density.
In the latter one, there are probably generated by a large-scale dynamo, but their











































































































































































































































1.3 Structure Formation in Spiral Arms
As shown in Figure 1.1, active star formation occurring in spiral arms appears as
OB associations and H II regions distributed in a “beads on a string” fashion (e.g.,
Baade 1963). Observations of disk galaxies also reveal that other arm substructures
are prevalent and located in downstream regions. One of the most prominent sub-
structures are stellar spurs and/or gaseous feathers emanated perpendicularly from
the spiral arm (e.g., Lynds 1970; Weaver 1970; Elmegreen & Elmegreen 1983; Scov-
ille & Rector 2001; Scoville et al. 2001; Kennicutt 2004; Willner et al. 2004; La Vigne
et al. 2006; Corder et al. 2008; Silva-Villa & Larsen 2012; Schinnerer et al. 2013).
A number of studies have suggested the explanation on the origin and nature
of these features. Balbus (1988) showed that gravitational instability allows hydro-
dynamic disturbances to grow transient substructures. Elmegreen (1994) also found
that the presence of azimuthal magnetic fields removes a stabilizing effect of epicy-
cle motions, and thus self-gravity gives more critical influences on the growth of
feature-forming instability. Using direct numerical simulations under local shearing-
box geometry, Kim & Ostriker (2002, 2006) found that magnetized instability via
self-gravity are responsible for the formation of observed spurs and gravitationally
bound clouds. These results were confirmed by global simulations of Shetty & Os-
triker (2006). Recently, Lee & Shu (2012) and Lee (2014) explored the feathering
instability similar to previous instability processes, by varying the strength of mag-
netic fields and self-gravity using semi-analytic methods. On the other hands, it is
suggested another mechanisms originated from hydrodynamic instability named as
“wiggle instability (WI)”, which is insensitive to an inclusion of self-gravity (Johns
& Nelson 1986; Wada & Koda 2004; Dobbs & Bonnell 2006, 2007). These instability
process seems to be suppressed by strong vertical mixing due to shock flapping mo-
tions (Kim & Ostriker 2006; Kim et al. 2008, 2010) and by magnetic fields (Kim &
Ostriker 2006; Dobbs & Price 2008). Very recently, however, using a linear stability
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analysis and numerical simulations, Kim et al. (2014) showed that the WI have the
physical nature originated from the generation of potential vorticity at the distorted
shock front, rather than Kelvin-Helmholtz instability (KHI) as previously thought
for the origin of the WI.
Despite of these analytic and numerical efforts, however, it still remains unclear
what kinds of suggested instability processes would produce observed interarm fea-
tures in real disk galaxies. It is because associated physical mechanisms such as
self-gravity and magnetic fields are interwoven in a complicated way. Therefore, the
formation of interarm features induced by galactic spiral shocks need to be studied
step by step by including explicit treatment of self-gravity and magnetic fields, as
well as the physical parameters of spiral arms.
1.4 Thesis Purpose and Organization
1.4.1 Approach and Aim of Work
As the formation and evolution of stellar spiral arms is generally well understood and
can be successfully reproduced in various analytic and numerical calculations, in this
thesis we will not address the origin of stellar spiral arms and its dynamical evolu-
tion. The main purpose of this thesis is to investigate dynamical and morphological
evolution of galactic gaseous disks and feature-forming instabilities depending on
the physical parameters of the stellar spiral arms. In order to achieve our purpose,
we perform numerical simulations of global infinitesimally-thin disk models as well
as a linear stability analysis for studying the instability processes. For simplicity, we
adopt isothermal equation of state with a single effective sound speed, which includes
a contribution of turbulent motions, and ignore the effects of radiative cooling and
heating and star formation. The most important physical parameters characterizing
our galaxy model are the pattern speed Ωp and strength F of spiral pattern, and the
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plasma parameter β representing magnetic field strength. Although we mainly focus
on the morphological changes of gaseous features affected by the spiral potential,
we also present the quantitative results such as mass drift rates due to dynamical
consequences on secular evolution of the gas, as well as physical interpretations for
substructures which is yet open to dispute. Moreover, we will explore the effects of
magnetic fields on the large- and small-scale gaseous structures in Chapter 3 and 4
and consider β varying from 1 (equipartition values for magnetic energy with ther-
mal energy) to ∞ (pure hydrodynamic case), that are initially distributed purely
azimuthal or parallel to spiral arms. All these efforts improve our knowledge of the
observed features in spiral galaxies and its physical mechanisms.
1.4.2 Thesis Organization
The remainder of this thesis is organized as follows.
In Chapter 2 we investigate the dynamical evolution of gaseous structures in
spiral galaxies using two-dimensional hydrodynamic simulations, assuming that the
disks are infinitesimally thin, uniformly-distributed, isothermal, and self-gravitating.
In this work, we present the morphological and dynamical evolution of the gas
depending on the physical properties of imposed spiral potential. We address the
angular momentum transport by the spiral arms quantitatively as well.
In Chapter 3 we present the results of linear stability analyses and numerical
simulations for the WI in shearing, magnetized gas disk assuming that the disk is
infinitesimally-thin and isothermal, which is a direct extension of Kim et al. (2014).
Our main objectives in Chapter 3 are to clarify the effects of magnetic fields on the
WI and to compare the growth rates and wavelengths of our calculations with those
of observed feathers or spurs in spiral galaxies.
In Chapter 4 we extend uniform and unmagnetized disk models used in Chap-
ter 2 to more realistic disk models by considering exponentially distributed and
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magnetized gas. We first present differences between uniformly and exponentially
distributed gas disks. We then describes the role of magnetic fields on dynamical
and structural evolution of the gas in various situations. With self-gravity included,
we also identify the spur and/or feather forming mechanisms of the WI, compared
with the magneto-Jeans instability as previously suggested.




Gaseous Spiral Structure and
Mass Drift in Spiral Galaxies1
2.1 Introduction
Disk galaxies possess prominent non-axisymmetric features such as spiral arms and
bars that have profound influences on galactic evolution in various ways (e.g., Buta &
Combes 1996; Kormendy & Kennicutt 2004; Buta 2013; Sellwood 2014 and references
therein). Stellar spiral arms not only trigger or organize star formation in the outer
parts of disk galaxies but also drive secular changes in the orbits of stars and gas
clouds, redistributing the mass in the disks (e.g., Lin & Shu 1964, 1966; Toomre 1964;
Elmegreen 1985; Bertin & Lin 1996; Foyle et al. 2010). Bar potentials also affect the
mass redistributions in the inner parts and are responsible for the formation of
various gaseous substructures such as dust lanes and nuclear rings (e.g., Sanders &
Huntley 1976; Athanassoula 1992; Heller & Shlosman 1994; Piner et al. 1995; Buta &
Combes 1996; Kim et al. 2012a). Understanding the gravitational interaction of the
stellar potentials with a gaseous medium is therefore the first step to understand star
1Kim, & Kim 2014, MNRAS, 440, 208
15
16 Spiral Structure and Mass Drift
formation, secular evolution, and morphological changes occurring in disk galaxies.
Among various secular processes, an angular momentum exchange between gas
and a stellar pattern is particularly interesting since it leads to overall gas inflows
or outflows in the radial direction. In barred galaxies, it has been well established
that a non-axisymmetric torque exerted by a bar potential produces a pair of dust
lanes in the gaseous medium, across which the gas loses angular momentum and
falls radially inward to form a nuclear ring (e.g., Athanassoula 1992; Piner et al.
1995; Englmaier & Gerhard 1997; Patsis & Athanassoula 2000; Maciejewski 2004;
Ann & Thakur 2005; Thakur et al. 2009; Kim et al. 2012a; Kim & Stone 2012),
potentially powering star burst activities in nuclear rings as well as fueling active
galactic nuclei (e.g. Shlosman et al. 1990; Regan & Mulchaey 1999; Knapen et al.
2000; Laurikainen et al. 2004; Jogee et al. 2005; Hunt et al. 2008; van de Ven & Fathi
2010). In particular, Kim et al. (2012b) demonstrated that the location of nuclear
rings is determined not by the resonances but by the centrifugal barrier that the
inflowing gas cannot overcome. This suggests that nuclear rings are smaller in size
in more strongly-barred galaxies, entirely consistent with the observational results
of Comerón et al. (2010).
Compared to the cases with a bar potential, the effects of a spiral potential
on the gaseous structures and radial mass inflow are relatively poorly understood.
While interactions of stellar density waves with stars and the associated stellar
heating and radial migration have been a subject of intense study (e.g., Lynden-
Bell & Kalnajs 1972; Donner & Thomasson 1994; Zhang 1996; Athanassoula 2002;
Sellwood & Binney 2002; Roškar et al. 2008; Oh et al. 2008; Sellwood 2011; Brunetti
et al. 2011; see also Kormendy & Kennicutt 2004 and Sellwood 2014 and references
therein), only a few studies have explored angular momentum loss of gas due to
the density waves (e.g., Kalnajs 1972; Roberts & Shu 1972; Lubow et al. 1986;
Hopkins & Quataert 2011). For example, Roberts & Shu (1972) considered non-
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self-gravitating galactic spiral shocks and showed that the damping timescale of
stellar density waves due to the angular momentum exchange is of the order of
∼ 1 Gyr. Lubow et al. (1986) included the back reaction of the density waves on
the gas density distribution, finding that the gas accretion rate due to the stellar
pattern amounts to Ṁ ∼ −(0.2–0.4) M yr−1 for parameters representing the solar
neighborhood in the Milky Way. These values of Ṁ are overall consistent with the
mass inflows inferred from chemical modeling in the Milky Way (Lacey & Fall 1985)
and also those in external galaxies based on gravitational torque analyses (Haan et
al. 2009; Garćıa-Burillo et al. 2009). Hopkins & Quataert (2011) used the epicycle
approximation to derive an analytic expression for Ṁ due to a non-axisymmetric
potential.
While the derivations of Ṁ by Lubow et al. (1986) and Hopkins & Quataert
(2011) are insightful, they utilized a few notable approximations. First, Lubow et
al. (1986) considered local, tightly-wound waves in both the stellar and gaseous
media and ignored the self-gravitational torque on the gas in evaluating Ṁ . They
also included shear viscosity to represent cloud collisions, which tends to smear out
shock profiles and thus makes it difficult to isolate the sole effect of the shock (e.g.,
Kim & Ostriker 2007; Kim et al. 2008). On the other hand, Hopkins & Quataert
(2011) used the orbit crossing of test particles as a criterion for the shock formation,
without considering the effects of gas pressure as well as the speed of incident flows
relative to the pattern. Although Hopkins & Quataert (2011) showed that their Ṁ is
in good agreement with their numerical results for galaxies with a dominant bar-like
potential, it is uncertain whether the same holds true for spiral galaxies in which the
effects of thermal and ram pressures are more important than in barred galaxies.
Since dynamics involved with spiral arms is intrinsically nonlinear, it is desir-
able to run numerical hydrodynamic simulations in order to measure the mass drift
rates driven by spiral arms properly. There have been numerous studies for gas re-
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sponses to an imposed spiral potential, focusing on morphological changes of gaseous
arms depending on the pattern speed (e.g., Patsis et al. 1994, 1997; Gómez & Cox
2002; Slyz et al. 2003; Yáñez et al. 2008; Gómez et al. 2013), formation of arm
substructures such as branches, spurs, and feathers (e.g., Chakrabarti et al. 2003;
Wada & Koda 2004; Shetty & Ostriker 2006; Dobbs & Bonnell 2006; see also local
models of Kim & Ostriker 2002, 2006), or star formation occurring in spiral arms
(e.g., Shetty & Ostriker 2008; Wada 2008; Wada et al. 2011; Dobbs et al. 2011).
While the arm-driven mass inflows might have affected the simulation outcomes in
the work mentioned above, its rate has yet to be evaluated to assess its dynamical
consequences on secular evolution quantitatively.
In this paper, we run global hydrodynamic simulations for gas evolution in galax-
ies with spiral potentials. We consider an infinitesimally-thin, uniform gaseous disk.
We take an isothermal equation of state for the gas, and ignore the effect of radiative
cooling and heating, star formation, and magnetic fields. Two important parameters
characterizing a spiral pattern are its angular frequency Ωp and strength F , which
are difficult to constrain observationally. Thus we in this work vary Ωp and F as
free parameters to model spiral arms in various galactic situations, and study how
Ṁ depends on them. We will also compare our numerical results with the analytic
expression presented in Hopkins & Quataert (2011).
In addition to evaluating Ṁ , our models are also useful to address important
issues related to the spatial extent, structures, and pitch angles of gaseous arms in
comparison with their stellar counterparts. While the theory for spiral density waves
suggests that the stellar pattern extends up to the corotation resonance (CR) or to
the outer Lindblad resonance (OLR) if it is in the linear-regime (e.g., Toomre 1981;
Lin & Lau 1979; Bertin et al. 1989a,b; Zhang 1996) and to the 4/1 resonance if it
is strong enough to be nonlinear (Contopoulos & Grosbøl 1986, 1988; Patsis et al.
1991), it is uncertain whether the termination of gaseous arms corresponds to the
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resonance radii. Moreover, Gittins & Clarke (2004) showed using both semi-analytic
and numerical approaches that gaseous arms are in general more tightly wound than
the stellar arms. Although large uncertainties surround observational determinations
of arm pitch angles, recent studies show that they are, statistically, slightly larger in
the I- or H-band than in the B-band (Seigar et al. 2006; Davis et al. 2012; Mart́ınez-
Garćıa 2012), suggesting that the gaseous arms are likely more tightly wound than
the stellar counterpart. We will show that the extent and pitch angles of gaseous
arms are dependent somewhat sensitively upon the arm pattern speed. We will also
show that the distributions of line-of-sight velocities in the projected galactic disk
and density profiles of gaseous arms can be used to tell whether the observed arms
are inside their CR or not.
The remainder of this paper is organized as follows. In Section 2.2, we describe
the galaxy model and our choices of the model parameters, as well as the numerical
method we use. In Section 2.3, we present the simulation results on morphologies
of spiral shocks. In Section 2.4, we measure the arm-induced mass drift rates as
functions of the pattern speed and strength of the stellar arms. In Section 2.5, we
present the distributions of line-of-sight velocities in the plane of sky and discuss how
they can be used to obtain information on the arm pattern speed. In Section 2.6,
we conclude with a summary and discussion of our results and their astronomical
implications.
2.2 Model and Method
We consider an infinitesimally-thin, self-gravitating gaseous disk, and study its non-
linear responses to an imposed non-axisymmetric potential representing stellar spiral
arms. The disk is assumed to be unmagnetized and isothermal, for simplicity. The
basic equations of hydrodynamics expanded in the z = 0 plane corotating with the




+∇ · (Σu) = 0, (2.1)
∂u
∂t




∇Σ−∇(Φext + Φgas) + Ω2pR− 2Ωs × u, (2.2)
∇2Φgas = 4πGf(z)Σ, (2.3)
where Σ is the gas surface density, u is the velocity in the rotating frame, cs is
the isothermal speed of sound, Ωp = Ωpẑ is the pattern speed of the spiral arms,
and Φext and Φgas denote the external gravitational potential and self-gravitational
potential, respectively. In equation (2.3), the function f(z) is introduced to account
for the dilution of self-gravity at the disk mid-plane due to finite disk thickness: we
take a Gaussian profile with thickness of H = 0.1R (Shetty & Ostriker 2008). The
velocity v in the inertial frame is obtained from v = u +RΩpφ̂.
2.2.1 Galaxy Model
The external gravitational potential consists of an axisymmetric component and a
non-axisymmetric spiral component Φsp. The static axisymmetric part responsible
for galaxy rotation is comprised of a stellar disk, a spherical bulge/halo, and a central
black hole with mass MBH = 4 × 107 M, identical to that in Kim et al. (2012b).
Figure 2.1 plots the resulting rotation curve, with a flat part with vc ' 200 km s−1
over most of the disk plane and a rapidly rising part as vc ∝ (MBH/R)1/2 toward
the center due to the presence of the black hole.
For the non-axisymmetric spiral potential, we take a trailing logarithmic-arm
model of Shetty & Ostriker (2006):










for R ≥ 2 kpc (see also Roberts 1969). Here, m, p∗, Ωp, and φ0 denote the number,
the pitch angle, the pattern speed, and the initial phase of the arms, respectively.
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Note that Φsp is tapered from R = 2 kpc to 1 kpc by a Gaussian function to have
Φsp = 0 at R ≤ 1 kpc. The amplitude of the spiral potential Φ0 in equation (2.4) is




which measures the gravitational force due to the spiral arms in the direction per-
pendicular to the arms relative to the radial force from the background axisymmetric
potential (e.g., Roberts 1969; Kim & Ostriker 2002, 2006; Oh et al. 2008; Shetty &
Ostriker 2008). We fix m = 2, p∗ = 20
◦, and φ0 = 147
◦. We vary F from 5 to 20%
to study situations with differing arm strength.
It is quite challenging to measure the pattern speeds of spiral arms. Self-consistent
modeling of the Milky Way shows that stability and observed tangent points of the
spiral arms are best described by Ωp = 20 km s
−1 kpc−1 (e.g., Amaral & Lépine
1997; Martos et al. 2004). On the other hand, analyses based on the Tremaine &
Weinberg (1984)’s method indicate that the arms in external galaxies have pattern
speeds in a wide range of Ωp ∼ 10–45 km s−1 kpc−1 (e.g., Zimmer et al. 2004; Fathi
et al. 2009; Mart́ınez-Garćıa et al. 2011). N -body simulations for the formation of
non-axisymmetric features in disk galaxies also show that the angular frequency of
spiral arms is diverse (e.g., Sellwood & Sparke 1988; Rautiainen & Salo 1999; Bour-
naud & Combes 2002; Roca-Fàbrega et al. 2013). Therefore, we in this paper consider
three different cases: Ωp = 30 km s
−1 kpc−1 (fast arm models), Ωp = 20 km s
−1 kpc−1
(intermediate-speed arm models), and Ωp = 10 km s
−1 kpc−1 (slow arm models). In
what follows, we refer to these as the F, I, and S models, respectively. The posi-
tions of the CR, the inner Lindblad resonance (ILR), and the 4/1 resonance are
RCR = 6.5, 9.9, and 19.8 kpc, RILR = 2.5, 3.6, and 6.0 kpc, and R4/1 = 4.4, 6.4, and
12.9 kpc for the F, I, and S models, respectively.
We run 18 models that differ in F , Ωp, and the presence or absence of gaseous self-
gravity. Table 2.1 lists the model parameters. The prefixes “F”, “I”, and “S” stand for
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Figure 2.1 Rotational velocity vc of our galaxy model as a function of the galacto-
centric radius R. Over much of the disk, vc ' 200 km s−1, corresponding to a normal
disk galaxy.
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the models with fast, intermediate-speed, and slow arms, while the postfixes “G”
and “N” indicate self-gravitating and non-self-gravitating models, respectively. In
all models, the gas sound speed is taken to cs = 10 km s
−1 that effectively includes
a contribution of turbulent motions (e.g., McKee & Ostriker 2007). For models
in which self-gravity is considered, Φgas is calculated by using the Kalnajs (1971)
scheme described in Shetty & Ostriker (2008). All the models start from a gaseous
disk with uniform surface density Σ0 = 10 M pc
−2. We take Models F10G, I10G,
and S10G with F = 10% as our fiducial models.
2.2.2 Numerical Methods
As in Kim et al. (2012b), we integrate equations (2.1)–(2.3) using the CMHOG code
in cylindrical geometry. CMHOG is a grid-based code for ideal hydrodynamics based
on the piecewise parabolic method in its Lagrangian remap formulation (Colella &
Woodward 1984), which is third-order accurate in space (Piner et al. 1995). All the
simulations are performed in a frame corotating with the arms. In the simulation
domain, therefore, the spiral potential remains stationary. In order to avoid strong
transients in the gas flows caused by a sudden introduction of the spiral potential, we
increase its amplitude slowly over the timescale of 0.1 Gyr. We run the simulations
until t = 1 Gyr, beyond which the numerical results are compromised by waves
propagating from the outer radial boundary.
By assuming a reflection symmetry with respect to the galaxy center, the simula-
tions are performed on a half-plane with−π/2 ≤ φ ≤ π/2. We set up a logarithmically-
spaced cylindrical grid over R = 0.5 kpc to 40 kpc, with 1102 radial and 790 az-
imuthal grid points. The corresponding grid spacing is ∆R = 2, 40, and 159 pc at
the inner radial boundary, at R = 10 kpc, and at the outer radial boundary, respec-
tively. We apply the continuous and outflow boundary conditions at the outer and
inner radial boundaries, respectively, while adopting the periodic boundary con-
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Table 2.1. Model Parameters
Model F Ωs Self-Gravity
(%) ( km s−1 kpc−1)
F05G 5 30 included
F10G 10 30 included
F20G 20 30 included
I05G 5 20 included
I10G 10 20 included
I20G 20 20 included
S05G 5 10 included
S10G 10 10 included
S20G 20 10 included
F05N 5 30 omitted
F10N 10 30 omitted
F20N 20 30 omitted
I05N 5 20 omitted
I10N 10 20 omitted
I20N 20 20 omitted
S05N 5 10 omitted
S10N 10 10 omitted
S20N 20 10 omitted
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ditions at the azimuthal boundaries. The gas moving in through the inner radial
boundary is considered lost out of the simulation domain.
2.3 Spiral Structures
In this section, we focus on spiral structures induced by the imposed spiral potential.
Radial mass flows associated with the spiral shocks will be presented in Section 2.4.
2.3.1 Overall Morphology
We begin by describing the temporal evolution of our fiducial models with F = 10%:
the evolution of other models with different arm strength is qualitatively similar.
Figure 2.2 plots snapshots of the gaseous surface density in logarithmic scale at
t = 0.2, 0.4, 0.7, and 1.0 Gyr for the self-gravitating models. The left, middle, and
right columns are for the F, I, and S models with Ωp = 30, 20, and 10 km s
−1 kpc−1,
respectively. The spiral arms remain stationary in the simulation domain. The dotted
circle in each panel marks the CR of the spiral arms, outside of which the gas is
rotating in the clockwise direction relative to the spirals.
It is apparent that the spiral potential strongly perturbs the gas orbits, forming
large-scale spiral shocks, although the regions affected by the potential depend on
Ωp. In the F and I models, spiral shocks are strong only inside the termination radius
of Rterm ≈ 17 and 25 kpc, respectively, outside which small-amplitude perturbations
propagating outward do not develop into shocks. On the other hand, the whole disk
is strongly affected by the spiral potential to induce shocks in the S models. As we
will show more quantitatively in Section 2.3.2 below, this is because the gas does
not have sufficient time to respond to a spiral potential when it rotates too rapidly.
In the F and I models, the outer ends of gaseous arms, which cannot be extended
beyond Rterm, curl back radially in and are loosely connected to the other arms at
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Figure 2.2 Snapshots of gas surface density in logarithmic scale for Models F10G,
I10G, and S10G from left to right at t = 0.2, 0.4, 0.7, and 1.0 Gyr from top to
bottom. In each panel, the CR of the arms is indicated as a dotted circle. The white
arrows in the t = 0.4 Gyr panels of Models I10G and S10G indicate weak structures
emanating from the 4/1 resonance. Colorbar labels log(Σ/Σ0).
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late time, producing a ring-like structure just inside Rterm. These ring-like structures
are more vividly evident in models with large p∗, as in models presented in Patsis
et al. (1994). We defer a more detailed discussion on this issue to Section 2.6.2.
Figure 2.2 shows that the density snapshots at t = 0.4 Gyr of Models I10G and
S10G contain weak gaseous structures, indicated by the arrows, developing from the
arms near the 4/1 resonance.2 They are continually generated from the 4/1 resonance
due to the nonlinear effects (e.g., Contopoulos & Grosbøl 1986, 1988; Artymowicz
& Lubow 1992), and propagate through the disk. These weak structures share a
lot of similarities in appearance and in geometrical locations with “branches” and
“spurs” identified by Chakrabarti et al. (2003) (see also Patsis et al. 1994, 1997;
Yáñez et al. 2008). These terminologies of resonance features are visually motivated
to indicate structures bifurcating from the main arms. Branches refer to trailing
structures winding in the same sense as the main arms such as in Model I10G,
whereas those leading the arms such as in Model S10G are termed spurs (Chakrabarti
et al. 2003). We find that models with larger F and/or smaller Ωp tend to produce
spurs more easily, while models with smaller F and/or larger Ωp are more likely
to possess branches, consistent with the results of Chakrabarti et al. (2003). We
note that bifurcations of gaseous arms in our models are much weaker than those
reported in Patsis et al. (1994, 1997), owing to a small pitch angle. We have run
additional models (not listed in Table 2.1) with pitch angles of p∗ = 33
◦ and 44◦,
and confirmed that arms with a large pitch angle indeed develop strong bifurcations.
These results suggest that the growth of resonance features is highly sensitive to the
arm parameters.
Figure 2.2 also shows that some parts of spiral shocks wiggle and form small
clumps along them at late time. This clump-forming wiggle instability is more vir-
2The 4/1 resonance corresponds to the first ultraharmonic resonance for 2-armed spirals (e.g.,
Chakrabarti et al. 2003).
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ulent when shocks are stronger. Yet, its physical nature is uncertain. Based on the
Richardson criterion, Wada & Koda (2004) argued that it is the Kelvin-Helmholtz
instability of a shear layer behind the shock, although the expanding radial velocity
after the shock has a local stabilizing effect (Dwarkadas & Balbus 1996). Dobbs &
Bonnell (2006) interpreted the clump formation as orbit crowding of gaseous parti-
cles that change their angular momenta in the shock. Kim et al. (2012a) suggested
that vorticity at the curved shocks increases secularly due to Crocco’s theorem, pro-
ducing clumps in the nonlinear stage. On the other hand, it cannot be ruled out the
possibility that the wiggle instability can be of a numerical origin, caused by the
inability of a numerical method to properly resolve a shock inclined to numerical
grids (Hanawa & Kikuchi 2012). As Figure 2.2 shows, the wiggle instability develops
only in the regions well away from the CR, since its growth requires strong shocks
(Wada & Koda 2004; Kim & Ostriker 2006). The wiggle instability is weaker in
models with a lower pattern speed, which is most likely due to the fact that large
gas velocities relative to the spiral potential in the simulation domain have consid-
erable numerical viscosity (e.g., Kim et al. 2008), tending to suppress the wiggle
instability.3 We note that regardless of its nature, the wiggle instability occurring
on small scale does not significantly affect the radial gas drift rate averaged both
azimuthally and temporally.
Gas self-gravity does not make significant differences in the overall arm mor-












which is larger than unity at R <∼ 20 kpc. Here κ denotes the epicycle frequency.
Although QT < 1 in the outer regions, Figure 2.2 shows that gravitational instability
3We find that spiral shocks in models with parameters identical to those of Models F10G and
S10G calculated in the inertial frame rather than in the rotating frame are stable to the wiggle
instability, indirectly demonstrating stabilization by numerical viscosity.
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does not manifest itself presumably due to the effect of finite disk thickness in solving
the Poisson equation (2.3).
2.3.2 Spiral Shocks − Structure
A global stellar spiral pattern that persists throughout the disk perturbs gas orbits
that would otherwise remain circular, and produces spiral shocks in the gas flows.
To measure the strength of spiral shocks, we define the dimensionless compression
factor
α ≡ −(∇ · v)∆R/cs , (2.7)
(e.g., Maciejewski 2004; Thakur et al. 2009; Kim et al. 2012a). For steady isothermal
shocks in planar geometry, α =M⊥−1/M⊥, whereM⊥ is the Mach number of the
incident flows perpendicular to the shock fronts. Thus, any positive value of α should
correspond to shocks if the flows are one-dimensional and in steady state. However,
the gas flows in the disk are two-dimensional and are not completely steady. We
empirically found that shock fronts (i.e., discontinuities in density and velocities)
in our models are well identified by the condition α >∼ 0.5. In what follows, we thus
impose α ≥ 0.5 as a condition for the presence of spiral shocks.
To delineate the positions and shapes of the spiral shocks, Figure 2.3 plots as plus
and square symbols the loci of the maximum α (≥ 0.5) at each R for Models F10G
and S10G at t = 0.4 Gyr. In each panel, the dotted circle indicates the CR of the
arms, while the black solid curves mark the loci of the spiral potential minima. It is
apparent that spiral shocks in Model S10G are located relatively close (within ∼ 20◦
in φ) to the potential minima, while they do not follow the spiral potential closely
in Model F10G. Figure 2.4 plots the radial variations over 1 kpc ≤ R ≤ 25 kpc of
the peak density Σpeak, the peak compression factor αpeak, and the perpendicular
Mach number M⊥ = R|Ω − Ωp| sin p∗/cs of the incident flows relative to the arms
for our standard models at t = 0.4 Gyr. The vertical dotted lines mark the CR of
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the arms in the F, I, and S models. Note that Σpeak is smaller near the respective
CR than the other shocked regions in all models.
The extent of spiral shocks depends sensitively on the pattern speed of the spiral
pattern as well as its strength. To produce quasi-steady spiral shocks, the gas has to
not only move faster than the local sound speed relative to the perturbing potential,
but also have sufficient time to respond to one arm before encountering the next
arm. In Model F10G, the spiral shocks exist only at R <∼ Rterm = 17 kpc where
M⊥ <∼ 12 (Fig. 2.4c). In Models F05G and F20G, they extend up to Rterm = 15 kpc
with M⊥ = 10 and to Rterm = 21 kpc with M⊥ = 15, respectively. In the I models,
the termination radii of spiral shocks are Rterm = 22, 25, and 32 kpc for F = 5,
10, and 20%, respectively. The time interval between two successive passages of the
spiral potential is tarm = π/|Ω − Ωp|, while the arm-to-arm crossing time of sound
waves is tsound = πR/cs. Thus the condition for the formation of quasi-steady spiral






<∼ 20 + 100F , (2.8)
for 5% ≤ F ≤ 20%, insensitive to the arm pattern speed. If this condition is not
satisfied, the gas does not properly feel the azimuthal variations of the imposed
potential that is rotating too rapidly. This is consistent with the finding of Baker &
Barker (1974) that gas with too large an entry velocity relative to the arms moves
almost ballistically, without producing a steady-state shock. In the S models, the
entire simulation domain has M⊥/ sin p∗ <∼ 20, and thus quasi-steady spiral shocks
form over the whole disk.
A conventional wisdom is that spiral shocks are absent in the CR region where
M⊥ = 0. However, Figure 2.3b reveals that spiral shocks, albeit somewhat weak, are
not completely absent near the CR in the S models. There are two different kinds
of spiral shocks depending on the locations. The first kind, marked by plus symbols,
starting from the ILR is produced primarily by the gas inside the CR that is rotating
32 Spiral Structure and Mass Drift
Figure 2.4 Radial dependence of (a) the peak density Σpeak/Σ0, (b) the maximum
compression factor αpeak, and (c) the perpendicular Mach number M⊥ for Models
F10G (dashed), I10G (dot-dashed), and S10G (solid) at t = 0.4 Gyr. The vertical
dotted lines at R = 6.5 kpc, 9.9 kpc, and 19.8 kpc mark the CR of the arms in the
F, I, and S models, respectively.
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faster than the spiral potential. In Model S10G, these spiral shocks become weaker
with increasing R owing to the decrease in M⊥ and move across the CR located
at RCR = 19.8 kpc, extending all the way to the outer radial boundary. In Models
F10G and I10G, however, they barely extend across the respective CR. The second
kind, marked by squares, is generated by the gas outside the CR rotating slower
the pattern. In Model S10G, they become weaker with decreasing R from the outer
boundary, move inward across the CR, and cease to exist at R ∼ 17 kpc. In Model
F10G and I10G, on the other hand, they are strongest at R ∼ 10 kpc and 15 kpc,
respectively, and do not extend inward across the CRs. In what follows, we term the
first and second spiral shock the inner and outer shocks, respectively.
The extension of the spiral shocks across the CR in the S models is caused by
epicycle motions of perturbed gas elements near the CR by the spiral potential.
To illustrate this, we plot in Figure 2.5 instantaneous streamlines of the gas in
Model S10G at t = 0.4 Gyr in the frame corotating with the spiral potential. Only
a few streamlines around a Lagrangian point denoted by L1 are shown. The spiral
potential induces radial velocity perturbations with amplitude ∆vR in the gas flows.
In the local approximation, the corresponding radial amplitude of the epicycle orbits
is ∆R = ∆vR/κ (e.g., Binney & Tremaine 2008). While a gas element originally
located well inside the CR goes out radially on the course of its epicycle motion,
it meets a shock at an oblique angle smaller than 90◦ due to fast rotation relative
to the pattern, and moves radially inward after the shock, as exemplified by the
streamline A. But, gas elements located closer to L1 achieve larger epicycle phases,
due to slower relative rotation, when they hit the shocks. Thus, the angles between
the incident streamlines and the shock fronts can become larger than 90◦, causing
the streamlines B–E to bend radially outward after the shocks. These outwardly-
moving gas elements increasingly find themselves in the regions with smaller κ, which
in turn makes them move much farther than the original ∆R implies. Consequently,
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Figure 2.5 A few instantaneous streamlines of the gas, starting from near the La-
grangian point L1, in Model S10G at t = 0.4 Gyr in the frame corotating with the
spiral potential. L2 is another Lagrangian point at the opposite side. The dotted
circle denotes the position of the CR. The streamline marked by “A” hits the shock
at an oblique angle less than 90◦ and bends radially inward downstream, while the
other streamlines meet the shocks at angles larger than 90◦ and thus move radially
outward after the shocks. Grayscale bar labels log(Σ/Σ0).
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the inner spiral shocks are smoothly extended to the outer radial boundary in the
S models. Note that the dense arm gas outside the CR is bounded by two spiral
shocks in these models.
Similarly, the outer spiral shocks extend inward across the CR in the S models,
but in this case the radial excursion of the perturbed elements is quite limited be-
cause they feel larger κ as they move inward. In Model S10G, for instance, the radial
velocity perturbations at R = 20 kpc is ∆vR = 36 km s
−1. With κ = 13 km s−1 kpc−1
at this radius, the radial displacement is ∆R = 2.7 kpc, which matches the numerical
results well. In the F and I models, however, ∆R ∼ 0.1 kpc due to lager κ, which is
too small a perturbation to make spiral shocks extended across the CR.
Figure 2.6 plots the gas surface density in the logR–φ plane, together with the
azimuthal cut profiles of various quantities at R = 13 kpc for Models F10G and
S10G at t = 0.4 Gyr. Relative to the spiral potential, the gas at this radius in Model
F10G (Model S10G) is moving in the negative (positive) φ-direction, forming shock
fronts that are displaced by ∼ 80◦ downstream (∼ 20◦ upstream) from the potential
minima. The gas is compressed at the shock fronts, enhancing the surface density
there, while reducing the velocity perpendicular to the shocks. The gas expands
after the shock in order to follow quasi-periodic galaxy rotation. The constraint of
the potential vorticity conservation requires the velocity parallel to the shock to
increase after the shock front, resulting in shear reversal inside the gaseous arms
with Σ/Σ0 > 2 (e.g., Balbus 1988; Kim & Ostriker 2002). Streaming velocities due
to the spiral shocks amount typically to ∼ 40–60 km s−1. The overall flow pattern is
similar to the observed profiles associated with spiral arms in M51 (see, e.g., Fig. 6
of Shetty et al. 2007).
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Figure 2.6 Top: Logarithm of the gas surface density on the logR–φ plane for Models
(left) F10G and (right) S10G at t = 0.4 Gyr. The CR of the arms is indicated by a
horizontal dotted line. Colorbar labels log(Σ/Σ0). Middle: Azimuthal-cut profiles of
the surface density Σ (solid; left y-axis) and the spiral potential Φsp (dashed; right
y-axis) at R = 13 kpc. Bottom: The corresponding azimuthal profiles of the inertial-
frame radial (solid; left y-axis) and azimuthal (dashed; right y-axis) velocities along
the same cut.
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Figure 2.7 Azimuthal positions of the inner (pluses) and outer (squares) spiral shocks
in comparison with the minimum loci (solid lines) of the spiral-arm potential for
Models (a) F10G, (b) I10G, and (c) S10G at t = 0.4 Gyr. Only the regions with
α ≥ 0.5 are shown. In (a) and (b), the azimuthal locations of spiral shocks change
rapidly with R, resulting in a much smaller pitch angle than the stellar arms, while
the difference between the pitch angles of the stellar and gaseous arms is small in
(c).
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2.3.3 Spiral Shocks − Pitch Angle
Figure 2.7 compares the azimuthal positions of the inner (pluses) and outer (squares)
spiral shocks with the minima (solid lines) of the external potential for our fiducial
models at t = 0.4 Gyr. Only the regions with α ≥ 0.5 are shown. The discontinuation
of both inner and outer spiral shocks at the CR is evident in Model F10G, while
the inner spiral shocks extend all the way to the outer boundary in Model S10G.
The spiral shocks are approximately logarithmic in shape over a wide range of radii,
with a pitch angle depending on Ωp. In Model S10G, the spiral shocks are located
very close to the potential minima and thus have a pitch angle of pgas ∼ 17◦, not
much different from p∗. In Models F10G and I10G, on the other hand, the shock
positions deviate considerably from the potential minima, resulting in much smaller
pitch angles of pgas ∼ 8◦ and 10◦, respectively.
The dependence of the shock positions relative to the potential minima is due to
the tendency that stronger shocks form farther downstream (Kim & Ostriker 2002).
As Figure 2.4c shows, spiral shocks in Model S10G have M⊥ ∼ 5 at R ∼ 7 kpc and
are located near the potential minima. As R increases,M⊥ decreases and the shocks
become weaker, moving slightly toward the upstream direction. In Model F10G, on
the other hand, M⊥ (∝ R for large R) varies a lot with R, leading to fairly large
variations in the shock positions. For instance, spiral shocks at R = 8 kpc have
M⊥ = 2 and are placed near the potential minima. At R = 12 kpc,M⊥ ∼ 7 and the
shocks are displaced by 90◦ toward the downstream direction. At R = 17 kpc and
beyond, M⊥ >∼ 12 and no stationary configuration of spiral shocks can be found in
this model.
The radial dependence ofM⊥ makes pgas smaller than p∗. To quantify the offsets
of the pitch angles, we define ∆p ≡ p∗−pgas, and plot them in Figure 2.8 as a function
of the peak shock density Σpeak for various models with differing F and Ωp. Each
symbol gives the mean values of ∆p and Σpeak averaged over t = 0.2–0.6 Gyr and
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Figure 2.8 Offsets, ∆p = p∗−pgas, of the pitch angles between the stellar and gaseous
arms as a function of the peak shock density Σpeak averaged over t = 0.2–0.6 Gyr
and R = 6–15 kpc for all self-gravitating models. Errorbars indicate the standard
deviations in ∆p and Σpeak. The dotted lines are our best fits (Eq. [2.9]).
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R = 6–15 kpc, with errorbars indicating the standard deviations. The dotted lines
give our best fits
∆p =

15− 7 log(Σpeak/Σ0), for F models,
12− 5 log(Σpeak/Σ0), for I models,
6− 4 log(Σpeak/Σ0), for S models.
(2.9)
Since ∆p > 0 for a reasonable range of Σpeak, the pitch angle of the gaseous arms
puts the lower limit to that of the stellar arms. In general, larger Σpeak corresponds
to smaller ∆p. Compared to the S models, models with larger Ωp have larger ∆p
and smaller Σpeak. Models with larger F have smaller ∆p and larger Σpeak since a
deeper spiral potential tends to form shocks closer to the potential minima. That
the difference of ∆p between the F and I models is smaller than that between the I
and S models indicates that ∆p is deeply related to RCR. This result suggests that
one should be cautious when inferring p∗ from pgas, especially when Ωp is large and
F is small.
2.4 Mass Drift
The non-axisymmetric spiral pattern and the associated shocks are an efficient means
of angular momentum transport, causing gas elements in orbital motions to move
radially inward or outward depending on the sign of Ω − Ωp (e.g., Shu 1992). It
is commonly accepted that inside the CR where Ω > Ωp, gas can lose angular
momentum from the spiral shocks, tending to move radially inward. Outside the
CR with Ω < Ωp, on the other hand, spiral shocks provide positive torque and thus
cause the gas to move radially outward. In this section, we quantify the rate of mass
drift driven by spiral arms.
To investigate the radial mass changes in our models, Figure 2.9 plots temporal
variations of the total gas mass, M(< 10 kpc), within R = 10 kpc in various self-
Spiral Structure and Mass Drift 41
Figure 2.9 Temporal variations of the integrated mass M(R < 10 kpc) within 10 kpc
for all self-gravitating models. Solid lines are for the S models exhibiting gas inflows,
while dashed lines are for the F models with gas outflows. For the I models, M(R <
10 kpc) plotted as dotted lines does not change much over time.
42 Spiral Structure and Mass Drift
Figure 2.10 Radial dependence of the mass drift rate Ṁtot ≡ −dM(< R)/dt averaged
over t = 0.2–0.8 Gyr for the (a) S (b) I, and (c) F models. The solid and dashed lines
represent self-gravitating and non-self-gravitating models, respectively. The short
vertical bars marked by χ2 give the typical variations of Ṁ over time. The vertical
dotted line in each panel indicates the CR.
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gravitating models. The presence of the spiral potential makes M(< 10 kpc) increase
faster for models with stronger arms in the S models, while the F models with
large F exhibit decreases in M(< 10 kpc), corresponding to mass outflows. The I
models do not show any noticeable secular changes in M(< 10 kpc) since the mass
is measured near the CR. Figure 2.10 plots the radial distributions of the mass
drift rate, Ṁtot(R) ≡ −dM(< R)/dt, averaged over t = 0.2–0.8 Gyr, for both self-
gravitating (solid lines) and non-self-gravitating (dashed lines) models. The vertical
bar marked by χ2 in each panel indicates the typical standard deviations. Note that
Ṁtot is negative for mass inflows and positive for outflows. All the models show mass
inflows inside the CR, with the effect of self-gravity insignificant except for Model
S20G. In the S models, Ṁtot is relatively constant at ∼ −(0.2–3) M yr−1 over a wide
range of R, which is significantly larger than ∼ −(0.05–0.8) M yr−1 and ∼ −(0.1–
1.2) M yr
−1 in the F and I counterparts, respectively, owing to larger RCR. In
contrast, the regions outside the CR clearly show mass outflows, with Ṁtot varying
with R considerably. Columns (2) and (3) of Table 2.2 list 〈Ṁtot〉in and 〈Ṁtot〉out
averaged spatially over RILR
<∼ R <∼ RCR and RCR <∼ R <∼ Rterm, respectively. Here,
Rterm represents the termination radius of the spiral shocks for the F and I models,
as mentioned in Section 2.3.2, and is taken to 35 kpc for the S models.
The radial gas drift in our models is caused by the combination of three processes:
(1) dissipation of angular momentum at spiral shocks, (2) torque by the external
spiral potential, and (3) torque by the self-gravitational potential. The first two
processes have previously been well recognized by other authors (e.g., Kalnajs 1972;
Roberts & Shu 1972; Lubow et al. 1986; Hopkins & Quataert 2011), while the effect
of self-gravity did not receive much attention. We thus write
Ṁtot = Ṁshock + Ṁext + Ṁself , (2.10)
where Ṁshock, Ṁext, and Ṁself denote the contributions of spiral shocks, the external
spiral potential, and the gaseous self-gravity, respectively. It is well known that Ṁext
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There is no simple analytic expression for Ṁshock.
Using equations (2.11) and (2.12), we calculate Ṁext and Ṁself from our nu-
merical results, and then Ṁshock from equation (2.10). Figure 2.11 plots the radial
distributions of Ṁshock, Ṁext, and Ṁself from the self-gravitating, slow arm mod-
els. These values averaged over RILR
<∼ R <∼ RCR or RCR <∼ R <∼ Rterm are listed in
Columns (4)–(9) of Table 2.2 for all the models. As expected, Ṁshock is negative in
most of the region inside the CR and positive outside the CR, although Ṁshock = 0
does not correspond exactly to the CR. This is because the inner and outer spiral
shocks extend across the CR, as explained in Section 2.3.2. Since the effect of the
inner shocks is stronger on the mass drift than that of the outer shocks, Ṁshock = 0
occurs at R ∼ 21 kpc, roughly independent of F , slightly outside the CR. Well inside
the CR, Ṁext is negative mostly due to the torque on the gas in the postshock ex-
panding zones rather than on the gas at the shock fronts. Although the latter has the
highest density, its contribution to Ṁext turns out to be insignificant, except near the
CR, since it is located very close to the potential minima in the S models. Near the
CR, Ṁext becomes positive due to the torque on the gas at the shock fronts that are
displaced substantially from the potential minima toward the upstream direction.
The self-gravitational torque overwhelms the other torques outside the CR. This
is because self-gravity becomes relatively more important at larger R, as equation
(2.6) suggests. In addition, gaseous arms in outer regions are bounded by two spiral
shocks and thus relatively thick. Figure 2.12 compares the azimuthal distributions of
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Figure 2.11 Radial distributions of (a) Ṁshock, (b) Ṁext, and (c) Ṁself for all self-
gravitating, slow arm models, averaged over t = 0.2–0.8 Gyr. Models with stronger
arms definitely have a higher mass drift rate. Note that Ṁshock is negative inside the
CR and positive outside the CR. The self-gravitational contribution which is always
negative dominates at large R.
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Table 2.2. Various Mass Drift Rates Induced by Spiral Arms
Model 〈Ṁtot〉in 〈Ṁtot〉out 〈Ṁshock〉in 〈Ṁshock〉out 〈Ṁext〉in 〈Ṁext〉out 〈Ṁself〉in 〈Ṁself〉out
(1) (2) (3) (4) (5) (6) (7) (8) (9)
F05G −0.054 0.273 −0.033 0.181 −0.018 0.101 −0.003 −0.010
F10G −0.249 0.919 −0.126 0.518 −0.112 0.435 −0.011 −0.035
F20G −0.781 2.479 −0.391 1.134 −0.274 1.552 −0.116 −0.207
I05G −0.095 0.556 −0.057 0.414 −0.032 0.163 −0.006 −0.021
I10G −0.361 1.730 −0.188 1.153 −0.153 0.663 −0.021 −0.087
I20G −1.184 4.313 −0.600 2.415 −0.489 2.256 −0.095 −0.358
S05G −0.205 1.032 −0.075 1.024 −0.079 1.167 −0.052 −1.159
S10G −0.876 2.669 −0.391 2.185 −0.302 3.326 −0.181 −2.842
S20G −3.074 6.244 −1.838 3.429 −0.799 7.537 −0.438 −4.722
F05N −0.046 0.226 −0.033 0.110 −0.012 0.116 0.0 0.0
F10N −0.203 0.772 −0.120 0.321 −0.083 0.452 0.0 0.0
F20N −0.778 2.280 −0.518 0.802 −0.260 1.478 0.0 0.0
I05N −0.080 0.411 −0.054 0.221 −0.026 0.191 0.0 0.0
I10N −0.292 1.322 −0.178 0.602 −0.114 0.720 0.0 0.0
I20N −1.116 3.315 −0.694 1.199 −0.423 2.115 0.0 0.0
S05N −0.159 0.665 −0.111 0.024 −0.048 0.641 0.0 0.0
S10N −0.608 2.889 −0.404 0.764 −0.204 2.125 0.0 0.0
S20N −2.240 6.952 −1.552 1.489 −0.688 5.463 0.0 0.0
Note. — All values are averaged over 0.2 Gyr ≤ t ≤ 1.0 Gyr and in units of M yr−1.
Columns (2), (4), (6), and (8) are the mass drift rates averaged over RILR
<∼ R <∼ RCR,
while Columns (3), (5), (7), and (9) are the values averaged over from the CR to the
termination radius of the spiral shocks.
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Figure 2.12 Azimuthal distributions of (upper panels) gas surface density and (lower
panels) the spiral and self-gravitational potentials at R = 15 and 25 kpc for Model
S10G when t = 0.4 Gyr. Note that gaseous arms outside the CR have larger density
contrasts and thus produce stronger self-gravitational forces than inside the CR.
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gas surface density together with the spiral and self-gravitational potentials at (left)
R = 15 kpc and (right) 25 kpc in Model S10G at t = 0.4 Gyr. The shock-bounded
arms outside the CR form at the expense of lower interarm density and thus have
stronger self-gravitational forces, compared to those inside the CR. Note that the
density distribution at R = 25 kpc is slightly asymmetric with respect to the minima
of Φgas, with larger density at the side with ∂Φgas/∂φ < 0. The corresponding self-
gravitational torque is thus negative over most of the simulation domain.
A stronger spiral potential leads to larger |Ṁtot|. Our numerical results for the
mass drift for all self-gravitating models can be fitted as
〈Ṁtot〉in ≈

−4F(0.2 + 4F)(Σ/Σ0) , for F models,
−5F(0.2 + 5F)(Σ/Σ0) , for I models,





5F(1 + 7F)(Σ/Σ0) , for F models,
5F(2 + 11F)(Σ/Σ0) , for I models,
5F(4 + 11F)(Σ/Σ0) , for S models,
(2.14)
in units of M yr
−1, both of which are accurate within ∼ 0.1 M yr−1 for 0.05 ≤
F ≤ 0.2. In these models, the angular momentum loss at spiral shocks, the external
gravitational torque, and the self-gravitational torque account for about 50%, 40%,
and 10% of the total, on average, respectively, roughly independent of F . In the S
models, the corresponding radial inflow velocity is vd = Ṁtot/(2πRΣ0) ∼ 1 km s−1
at R = 10 kpc, with the associated timescale comparable to the Hubble time.
2.5 Line-of-Sight Velocity
The distribution of line-of-sight velocities in the plane of sky can be a useful diag-
nostic tool in analyzing the gas kinematics in disk galaxies. Figure 2.13 plots the
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synthetic, projected maps of (upper panels) the gas surface density in logarithmic
scales, and (lower panels) the line-of-sight velocity VLOS for (left) Models F10G and
(right) S10G at t = 0.4 Gyr. Only the regions with Σ/Σ0 ≥ 1 are shown to mimic
strong radio emissions from overdense regions. The galaxy is rotating in the coun-
terclockwise direction. In each panel, the disk is assumed to be inclined arbitrarily
by 65◦ with respect to the plane of sky (XY -plane) such that west of the disk is the
near side. We choose −25◦ as the position angle of the arms at R = 5 kpc measured
from the north (positive Y -axis). The dotted ovals in the left panels indicate the
location of the CR in Model F10G, while the solid curves in the lower panels draw
the loci of VLOS = 0. Density and velocity data are smoothed by a Gaussian beam
with a width of 0.12 kpc. The colorbars label log(Σ/Σ0) and VLOS in units of km s
−1.
In the central regions at R <∼ 2 kpc, the zero velocity curve runs almost parallel
to the nodal line (X-axis) for both models. As R increases, however, the pattern
speed makes several differences in the arm morphologies and the distribution of
VLOS that can possibly be discerned observationally. First, gaseous arms are more
tightly wound in Model F10G due to a rapid change in M⊥ than in Model S10G.
Second, spiral arms located outside the CR are bounded by shock fronts at the outer
edges, while those inside the CR are shocked at the inner edges. Consequently, the
gas density in the arms is distributed asymmetrically along a radial cut such that it
is larger at smaller R outside the CR and at larger R inside the CR, as the upper
panels of Figure 2.13 illustrate. Third, gas streaming motions associated with spiral
shocks amount to ∼ 40–60 km s−1, which can make the gas rotate slower than the
pattern even inside the CR (see Fig. 2.6). Thus the zero velocity curve near the
western (eastern) arm in Model S10G strongly bends downward (upward), toward
the opposite direction to the galaxy rotation. On the other hand, the gas rotates
faster than the pattern outside the CR, which causes the zero velocity curve to bend
upward near the arms in the western parts of the disk, as in Model F10G. These
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Figure 2.13 Synthetic, projected maps of (upper panels) gas surface density Σ in
logarithmic scale and (lower panels) the line-of-sight velocity VLOS for Models (left)
F10G and (right) S10G at t = 0.4 Gyr. Only the regions with Σ/Σ0 ≥ 1 are shown.
The inclination angle of the disk is set to 65◦ relative to the plane of the sky, and
the position angle of the arms at R = 5 kpc is taken to be −25◦ from the north. The
dotted ellipses in the left panels indicate the location of the CR in Model F10G.
The solid curves in the lower panels draw the loci of VLOS = 0. Upper and lower
colorbars label log(Σ/Σ0) and VLOS in units of km s
−1, respectively.
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differences can be used to determine whether observed segments of the arms are
located inside or outside the CR. We will discuss this further in application to NGC
3627 in Section 2.6.2.
2.6 Summary and Discussion
2.6.1 Summary
We have presented the results of grid-based hydrodynamic simulations on spiral
structures and radial mass drift in disk galaxies driven by spiral arms. The gaseous
disk is assumed to be infinitesimally thin, unmagnetized, isothermal with the sound
speed of cs = 10 km s
−1, and initially uniform with surface density Σ0 = 10 M pc
−2.
For the spiral arms, we impose a rigidly-rotating logarithmic gravitational potential
with pitch angle p∗ = 20
◦, strength F , and pattern speed Ωp. To study the depen-
dence of the shock structure and the mass drift rates on F and Ωp, we consider
three types of models in which the arm is rotating fast at Ωp = 30 km s
−1 kpc−1,
intermediately at Ωp = 20 km s
−1 kpc−1, or slow at Ωp = 10 km s
−1 kpc−1, which are
referred to as the F, I, and S model, respectively. We also vary F between 5 and
20%. The main results of this paper are summarize as follows.
1. Extent of Spiral shocks. – The radial extent of spiral shocks depends rather
sensitively on the arm pattern speed. In the F and I models, spiral shocks exist only
up to Rterm ∼ 17 kpc and ∼ 25 kpc, respectively, while the outer region is almost
featureless other than weak trailing waves. This is because when equation (2.8) is
not fulfilled, gas perturbed by one arm does not have sufficient time to adjust it-
self to the imposed spiral potential before encountering the next arm. That is, the
rapid rotation of the potential makes itself effectively smoothed considerably along
the azimuthal direction, and gas moves almost ballistically (Baker & Barker 1974).
In the S models, on the other hand, the whole disk satisfies M⊥/ sin p∗ <∼ 20 and
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forms spiral shocks across the entire simulation domain. In these models with a
slow pattern, spiral shocks are not terminated at the CR due to epicycle motions
of perturbed gas elements. Since a gas element on its epicycle orbit achieves larger
(smaller) amplitudes as it moves radially outward (inward), the spiral shocks pro-
duced inside the CR are able to extend all the way to the outer radial boundary,
while those originally formed outside the CR extend only slightly inward of the CR.
As a consequence, the dense arm gas outside the CR is bounded by two spiral shocks
in the S models.
2. Relation between the pitch angle and shock strength. – In a quasi-steady state,
stronger spiral shocks tend to form at farther downstream relative to the minima
of the imposed spiral potential. Since M⊥ varies systematically with R, this makes
the pitch angle pgas of the gaseous arms smaller than that of the stellar arms. In
our models, the offset between pgas and p∗ amounts to ∼ 2◦–12◦, and is larger for
smaller F since a deeper potential tends to have shocks closer to its minima. It is
also larger for models with larger Ωp due to larger radial variations ofM⊥. Equation
(2.9) gives our fits to ∆p = p∗ − pgas against the peak shock density Σpeak of the
gaseous spiral arms.
3. Mass Drift – The non-axisymmetric spiral potential is an efficient means of
angular momentum transport, initiating radial drift of gas that would otherwise be
in circular motions. In our models, the radial mass drift is caused by a combination
of three processes: angular momentum loss at spiral shocks, external gravitational
torque, and self-gravitational torque. While self-gravitational torque is always nega-
tive, it is usually smaller than the other torques inside the CR. On the other hand,
the direction of the mass drift by the shock loss and external torque depends on the
sign of Ω − Ωp, such that it is radially inward inside the CR and outward outside
the CR. The resulting mass inflow rate, averaged over RILR
<∼ R <∼ RCR, is in the
range 〈Ṁtot〉in ∼ −(0.05–3.0) M yr−1, with a larger value corresponding to stronger
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and/or slower arms, as described by equation (2.13). The shock loss and external
spiral potential account for about 50% and 40% of the total, respectively.
4. Line-of-Sight Velocity – Since the spiral arms cause streaming motions in the
gas flows whose amplitudes depend on the arm pattern speed, the related line-of-
sight velocity VLOS and the density distribution across the arms can potentially
provide information on the arm pattern speed. Gaseous arms located outside the
CR have a larger density at larger R along a radial cut. In this case, the gas in the
arms rotates faster than the pattern due to the streaming motions, tending to make
the locus of VLOS = 0 bend in the same way as the direction of galaxy rotation. In
contrast, gaseous arms located inside the CR have a larger density at smaller R, and
the VLOS = 0 curve near the arms bends in the opposite sense to the galaxy rotation
(see Fig. 2.13).
2.6.2 Discussion
Our result that the radial extent of gaseous arms depends on the arm pattern
speed is overall consistent with the finding of Patsis et al. (1994) who showed
using SPH simulations that gaseous spirals exist up to the CR when Ωp is large
(∼ 37.4 km s−1 kpc−1), while they extend to the end of the stellar spiral arms when
Ωp is small (∼ 12.5 km s−1 kpc−1). Patsis et al. (1994) further found that an oval
ring forms, possibly by the resonance, near the OLR area. A similar ring-like struc-
ture forms in the outer regions of Model I10G at late time when the outer ends of
trailing gaseous arms curve back radially inward to touch the other arms (see Fig.
2.2). The main difference in the model parameters between our and their models is
the pitch angle of the stellar potential. To explore the effect of p∗ on the position of
ring-like structures that form, we have run two additional models with p∗ = 30
◦ and
44◦, while the other parameters remain identical to Model I10G.4 Figure 2.14 plots
4Models in Patsis et al. (1994) took p∗ = 44
◦.
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the distributions of surface density at t = 1 Gyr from these additional runs as well
as Model I10G. In each panel, the dotted and solid circles mark the CR and OLR,
respectively. An oval-like structure forms in all models, although its size tends to
decrease with increasing p∗. Model I10G with p∗ = 20
◦ has an oval-like structure well
outside the OLR, while it is coincidentally at the OLR. Since the arm termination
(and thus the ring formation) occurs at the radius where equation (2.8) is satisfied,
one can expect a smaller ring when p∗ is larger, fully consistent with our numerical
results. This demonstrates that the formation of a ring-like structure near or beyond
the OLR is not due to the resonance.
It is interesting to apply our results to the spatial extent of observed arms in the
barred-spiral galaxy M83. In this galaxy, the spiral pattern rotates relatively rapidly
at Ωp ≈ 45 km s−1 kpc−1 and has a pitch angle of p∗ ≈ 16◦ (e.g., Lord & Kenney
1991; Zimmer et al. 2004). The rotational velocity at the flat part is ∼ 180 km s−1
(Lundgren et al. 2004), so that the CR is located at ∼ 4 kpc, corresponding to ∼ 3′ at
the distance of 4.5 Mpc (Thim et al. 2003). The radio data of Lundgren et al. (2004)
show that the gaseous arms are weaker at the CR than at the neighboring arms,
similarly to our results shown in Figure 2.4. The arms extend up to ∼ 6′, while there
is a plenty of gas with Σ ∼ 2 M pc−2 in the outer regions where the gaseous arms
are absent (Crosthwaite et al. 2002; Lundgren et al. 2004). Although the termination
radius of the gaseous arms in M83 is close to the OLR, it is uncertain whether the
OLR plays a central role in limiting the arm extent. We note that the radius of
6′ corresponds to M⊥/ sin p∗ ∼ 23–30 for the observed CO velocity dispersions
of cs ∼ 7.8 ± 0.9 km s−1 (Lundgren et al. 2004), suggesting that the idea of arm
termination by too large M⊥ is not inconsistent with the observed gaseous arms in
M83 with F ∼ 5–10%.
To measure the mass drift rate unaffected by a radial density gradient for given
F , we have employed simple disk models with radially constant Σ0 and F . In models
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with a slow patten speed, this inevitably results in readily discernable spiral shocks
all the way to the outer radial boundary. In reality, however, gas surface density
in spiral galaxies appears to drop off exponentially or more rapidly (e.g., Bigiel &
Blitz 2012). In addition, the stellar spiral potential is likely to become shallower
with increasing R beyond the CR (e.g., Contopoulos & Grosbøl 1986, 1988; Patsis
et al. 1991). Although arm-to-interam density contrasts are likely unchanged by the
background density (especially when self-gravity is unimportant), small values of Σ0
and F would make it difficult to detect gaseous spiral arms at large radii in real
spiral galaxies.
The tendency of spiral shocks moving toward the upstream direction with in-
creasing R was reported by Gittins & Clarke (2004), and our results further show
that the displacement of spiral shocks is larger when Ωp is larger. This is consistent
with the results of Patsis et al. (1994) who found that gaseous arms are much tighter
than the stellar pattern in their high-Ωp models. Gittins & Clarke (2004) also noted
that in addition to stellar and gaseous arms, there are star-forming arms traced by
HII regions, all of which may have different pitch angles such that p∗ > pgas > pSF
if the time offset between the gaseous and star-forming arms is independent of R.
Indeed, Grosbøl & Patsis (1998) showed that the stellar arms traced by K ′-band ob-
servations are more loosely wound than the optical arms for a sample of five galaxies.
Although Davis et al. (2012) more recently found that the arm pitch angles in the
optical band are almost identical to those in the near-IR band within observational
uncertainties (see also Seigar et al. 2006), their fitting results plotted in their Figure
13 still show that the latter is larger by ∼ 2◦ than the former for p∗ ∼ 10◦–30◦, con-
sistent with our numerical results. Mart́ınez-Garćıa (2012) also reported that arm
pitch angles are larger in the H-band than in the B-band. More accurate observa-
tional estimates are required to explore the dependence on Ωp of the offsets between
arm pitch angles in different wavelength bands.
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In application to the gas accretion in the Milky Way, Lubow et al. (1986) used
a local model of spiral shocks by considering the reaction of stellar waves back to
the gaseous self-gravity and calculated the mass inflows rate due to the spiral shocks
and external gravitational torque. They found that the total inflow rate is in the
range Ṁ ∼ −(0.2–0.4) M yr−1 for F = 3%, consistent with the extrapolation of
our numerical results. They also found that the external potential is about three
times more effective than the viscous torque, which is different from out finding that
the effect of the spiral shocks in removing angular momentum is slightly larger than
that of the external potential. This difference is presumably caused by the fact that
Lubow et al. (1986) included physical viscosity accounting for cloud collisions. This
smears out the shocks and moves the peak density toward downstream (see also
Kim et al. 2008, 2010), which tends to enhance the external torque and reduce the
angular-momentum loss at the shock fronts.
Hopkins & Quataert (2011) put forward a simple analytic model for angular
momentum transport and related gas inflows driven by a non-axisymmetric stellar
potential. By neglecting the effects of thermal pressure as well as the flow velocity
relative to the potential, they considered orbit crossing of collisionless particles as a
criterion for shock formation and derived the mass inflow rate
ṀHQ = −Σ̄R2ΩF tan p∗sign(Ω− Ωp)|f(ζ)|, (2.15)
where Σ̄ is the azimuthally-averaged gas density and f(ζ) denotes the correction
factor of order unity for the degree of the orbit crossing, ζ. They confirmed that
equation (2.15) is in good agreement with their numerical results when bar-like
stellar modes dominate the perturbations. To check whether equation (2.15) is also
good for the cases dominated by a spiral potential, Figure 2.15 compares ṀHQ
(dashed lines) with Ṁshock (solid lines) from our numerical simulations. Note that
equation (2.15) can be a good approximation for the mass inflows due to the shock
loss alone, only for weak spiral shocks in the S models in which shock fronts are
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located very close to the potential minima. On the other hand, equation (2.15) fails
to describe the mass drift accurately for the slow-arm models with large F and
for the F models where spiral shocks are displaced significantly from the potential
minima. In this case, the shock formation requires consideration of thermal pressure
as well as incident velocities, which were neglected in Hopkins & Quataert (2011).
By analyzing Sloan Digital Sky Survey DR7 data, Comerón et al. (2009) found
that about 20% of 266 galaxies with measured bar strength host dust lanes. On the
other hand, numerical simulations with only a bar potential without spiral arms show
that dust lanes remain strong only for 0.1 Gyr around the time when the bar potential
achieves its full strength (e.g., Kim et al. 2012b; Kim & Stone 2012). This implies
that barred galaxies with strong dust lanes should be either dynamically young or
supplied with fresh gas. Our numerical results in this paper suggest that spiral arms
can be efficient to transport gas from outside to the central region provided that the
spiral arms have quite a low pattern speed so as to have a large CR radius.
In addition to enhancing the mass in the central region, mass inflows by spiral
arms also may help to increase the rate of star formation occurring in the nuclear
ring induced by a bar potential. Seo & Kim (2013) numerically found that without
spiral arms or gas infall from halo, the star formation rate in nuclear rings decays to
small values below ∼ 1 M yr−1 after showing a strong burst that lasts only about
0.1 Gyr. This is in contrast to the claim that star formation in nuclear rings is a
long-lived phenomenon (∼ 1–2 Gyr), with multiple episodes (e.g., Allard et al. 2006;
Sarzi et al. 2007; van der Laan et al 2013). In Model S10G, gas flows radially inward
at a rate Ṁtot ∼ −1.0 M yr−1 at R = 5 kpc, which would fuel star formation on the
galactic center when enough mass is accumulated to undergo gravitational collapse.
It would be interesting to study how much star formation is enhanced in nuclear
rings by an addition of outer spiral arms, which will direct our future research.
By employing a simple isothermal equation of state, our models produce spiral
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Figure 2.15 Comparison of the mass inflow rate Ṁshock (solid lines) by angular-
momentum loss at spiral shocks in our models with the analytic estimate ṀHQ of
Hopkins & Quataert (2011) (dashed lines) given by equation (2.15) for the (a) S,
(b), I, and (c) F models. Note that ṀHQ agrees approximately with Ṁshock only in
the S models with small F , while it differs considerably from Ṁshock for the small-Ωp
with large F and all the large-Ωp models.
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shocks with quite a large density contrast between arm and interarm regions. For
instance, Shetty et al. (2007) reported that spiral arms seen in CO observations of
M51 typically have an arm-to-interarm density contrast of ∼ 5, while it is ∼ 20
in our models (see, e.g., Fig. 2.6). Even considering the beam smearing of the CO
data, the density contrast in our models seems to be larger than observed values. In
real galaxies, there are many physical processes including magnetic fields and star
formation that can affect spiral-shock gas dynamics considerably. Magnetic fields
that are pervasive in the interstellar medium (e.g., Beck et al. 1996; Fletcher et al.
2011) can make the isothermal gas behave as if it were adiabatic with index of 2
for one-dimensional compression (e.g., Shu 1992), reducing the arm-peak density
substantially (e.g., Kim & Ostriker 2002; Kim et al. 2002; Lee & Shu 2012). Star
formation and ensuing feedback occurring inside spiral arms is able to provide the
arm gas with turbulent kinetic energy which not only tends to disperse dense gas but
also triggers new star formation (e.g., Mac Low & Klessen 2004; McKee & Ostriker
2007; Shetty & Ostriker 2012; Kim et al. 2013). A reduced arm density may decrease
the mass drift rate, while magnetic fields themselves can be a source of additional
angular momentum transport via tension forces. Therefore, more realistic quantita-
tive assessment of the mass drift rate caused by spiral arms requires consideration
of these processes as well as radiative heating and cooling.
Finally, we discuss the distribution of gas density and VLOS in the arms found in
our models in comparison with observations. Regan et al. (2002) presented a velocity
map of CO emission from the barred-spiral galaxy NGC 3672, derived from Gaussian
fits to the line profiles. Their Figure 6 shows that the observed distributions of VLOS
in the outer regions, especially the loci of VLOS = 0, match those in Model S10G
better than in Model F10G presented in Figure 2.13, suggesting that the spiral
arms in NGC 3672 are located inside the their CR. A close inspection of Figure 4a
of Regan et al. (2002) (see also Figure 1c of Chemin et al. 2003) reveals that the
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density profiles of the gaseous arms along a radial cut have a steeper gradient at the
inner edge than the outer edge, which also hints that the spiral arms rotate slow.
Since the CR of a strong bar is placed just outside the bar end, these all indicate that
the spiral arms in NGC 3672 have a lower pattern speed than the bar. Indeed, Rand
& Wallin (2004) used the method of Tremaine & Weinberg (1984) to show that the
bar in NGC 3627 has a pattern speed of Ωb = 50
+3
−8 km s
−1 kpc−1, while the southern
extension of the western spiral arm has Ωp = 23±4 km s−1 kpc−1. The corresponding
CR radii of the bar and arms are at R = 1.3′ and 3.3′, respectively, indicating that
the observed spiral arms in Regan et al. (2002) are located in between the CRs of
the bar and spiral arms, consistent with kinematic features in our models.
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Chapter 3
Wiggle Instability of Galactic
Spiral Shocks: Effects of
Magnetic Fields1
3.1 Introduction
Stellar spiral arms in disk galaxies greatly affect galaxy evolution in various ways
(e.g., Buta & Combes 1996; Kormendy & Kennicutt 2004; Buta 2013; Sellwood
2014). They not only trigger and/or organize star formation by compressing gas
into spiral shocks (e.g., Roberts 1969; Roberts & Yuan 1970; Shu et al. 1972, 1973)
but also drive secular galaxy evolution (e.g., Lin & Shu 1964, 1966; Toomre 1964;
Elmegreen 1985; Bertin & Lin 1996; Foyle et al. 2010). Observations commonly in-
dicate that grand-design spiral arms abound with secondary structures called stellar
“spurs” or gaseous/dust “feathers” that stretch out almost perpendicularly from
the main arms into the interarm regions in a trailing configuration (e.g., Baade
1Kim, & Kim 2015, Accepted for publication in ApJ.
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1963; Lynds 1970; Weaver 1970; Elmegreen & Elmegreen 1983; Scoville & Rector
2001; Scoville et al. 2001; Kennicutt 2004; Willner et al. 2004; La Vigne et al. 2006;
Corder et al. 2008; Silva-Villa & Larsen 2012; Schinnerer et al. 2013). While spurs
and feathers have similar pitch angles and thus are thought to share the common
origin (Elmegreen 1980; see also Puerari et al. 2014), what actually forms them has
been a matter of considerable debate.
Existing theories for the formation of secondary structures differ in the relative
role played by gaseous self-gravity to other hydrodynamic processes. Balbus & Cowie
(1985) and Balbus (1988) studied a linear stability of spiral shocks to axisymmetric
and non-axisymmetric modes, respectively, and showed that these arm substructures
may form as a consequence of swing amplification of local density perturbations.
Elmegreen (1994) showed that local perturbations can grow faster in the presence of
magnetic fields that can remove the constraint of angular momentum conservation.
These linear-theory predictions were confirmed by numerical simulations (Kim &
Ostriker 2002, 2006; Shetty & Ostriker 2006) that showed that both magnetic fields
and self-gravity are essential to form secondary structures resembling feathers in the
nonlinear stage. Recently, Lee & Shu (2012) treated a stability of self-gravitating,
magnetized spiral shock as a global, rather than local, problem in the direction
perpendicular to the arm. They neglected galactic shear for perturbations while
keeping non-inertial terms, and found semi-analytically that such shocks are prone to
feather formation. Although these feather-forming instabilities are termed differently
as the azimuthal instability, magneto-Jeans instability, and feathering instability by
Elmegreen (1994), Kim & Ostriker (2002), and Lee & Shu (2012), respectively, they
refer to the same gravitational instability of a rotating medium in which embedded
magnetic fields play a destabilizing role. More recently, Lee (2014) extended the work
of Lee & Shu (2012) to explore the parameter space of the feathering instability by
varying the strength of magnetic fields and self-gravity.
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In contrast, other studies argued that gaseous self-gravity may not be indis-
pensable for the formation of feathers (e.g., Johns & Nelson 1986; Wada & Koda
2004; Dobbs & Bonnell 2006, 2007). These authors showed that secondary struc-
tures develop even in the absence of self-gravity, with their spacings smaller than
those resulting from the self-gravitating instabilities mentioned above. In particular,
Wada & Koda (2004) observed that small clumps form in strongly shocked layers
that may grow into feathers, and termed the clump-forming mechanism the wig-
gle instability (WI). The WI appears prevailing in recent numerical simulations of
spiral galaxies (Kim & Kim 2014) and even barred galaxies with strong dust-lane
shocks (Kim et al. 2012a,b; Kim & Stone 2012; Seo & Kim 2013, 2014). Based on
the Richardson number criterion (e.g., Chandrasekhar 1961), they further proposed
that the WI is originated from the Kelvin-Helmholtz instability (KHI) of a shear
layer behind the shock. However, the linear analysis of Dwarkadas & Balbus (1996)
showed that postshock flows in the presence of rapidly varying shear are stable to
the KHI. Interestingly, Hanawa & Kikuchi (2012) argued that the WI may result
spuriously from the difficulty in resolving a shock inclined to numerical grids.
To address the nature of the WI, Kim et al. (2014, hereafter Paper I) adopted
the method of Lee & Shu (2012) and performed a linear stability analysis of non-
self-gravitating, unmagnetized spiral shocks. Paper I found that the WI is physical
rather than numerical, arising from the generation of potential vorticity (PV) at
a distorted shock front, known as Crocco’s theorem. Since gas in galaxy rotation
passes through spiral shocks twice in every rotation for two-armed spirals, the PV
contained in entropy-vortex waves can increase successively, in a Lagrangian sense,
in the course of galaxy rotation. This sets up an Eulerian overstable normal mode
along the azimuthal direction that grows exponentially. This is quite distinct from
the KHI that relies on shear in the background flows. By relying on the growth of
incompressible entropy-vortex modes, the WI is also different from the magneto-
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Jeans or feathering instability mentioned above that utilizes compressive acoustic
modes. Paper I also confirmed that the growth rate and wavelength of the most
unstable mode found by the linear stability analysis are consistent with the results
of direct numerical simulations.
While the results of Paper I are informative to understand the nature of the
WI, they are based on the models that do not consider magnetic fields pervasive in
the interstellar medium (ISM). It has been well recognized that disk galaxies have
a large-scale, ordered component as well as a small-scale, random component of
magnetic fields (e.g., Wielebinski & Krause 1993; Heiles 1995; Beck et al. 1996; Beck
2001). In most disk galaxies, magnetic field directions based on polarized synchrotron
radiation follow optical spiral structures fairly well, with their strength and pitch
angle ranging typically ∼ 4− 20µG and ∼ 8◦− 37◦, respectively (see e.g., Neininger
1992; Beck et al. 1996; Van Eck et al. 2015). Although there is an indication that
dust lanes upstream of optical spiral arms have strongest magnetic fields, some
regular fields also extend well into interarm regions. It appears that small scale
activities such as star formation and supernova explosions inside spiral arms disrupt
regular magnetic fields and turn them into turbulent ones. When compressed by
spiral shocks, these turbulent fields become as strong as, sometimes even stronger
than, the regular component inside the arms (e.g., Fletcher et al. 2011; Houde et
al. 2013; Shneider et al. 2014). For gas surface densities of Σ ∼ 10 − 100 M pc−2
inside the arms, these fields are close to equipartition strength with the thermal
and turbulence energies, indicating that they are important in the gas dynamics
associated with the arms (e.g., Beck et al. 1996; Chyży et al. 2000; Beck 2007).
In this paper, we extend Paper I by including the effects of magnetic fields on
the stability of spiral shocks. As in Paper I, we consider a local shearing sheet of
an infinitesimally thin gaseous disk that is assumed to be isothermal and non-self-
gravitating. To simplify the situation further, we consider only the regular compo-
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nent of magnetic fields that is initially parallel to the imposed stellar spiral arms.
One-dimensional (1D) solutions of equilibrium magnetized spiral shocks were already
obtained by several authors (e.g., Roberts & Yuan 1970; Kim & Ostriker 2002; Lee
2014). By imposing two-dimensional (2D) perturbations onto such shocks, we will
show that the presence of magnetic fields substantially suppresses the development
of the WI mainly by reducing the density compression factor of a background spiral
shock. The tension and pressure forces from the perturbed magnetic fields will turn
out to have a minor effect on the WI. The stabilizing effect of magnetic fields is qual-
itatively consistent with the results of the previous magnetohydrodynamic (MHD)
simulations (Kim & Ostriker 2006; Shetty & Ostriker 2006; Dobbs & Price 2008).
We also run local MHD simulations to confirm the results of our linear stability
analysis, and compare the pitch angles of the nonlinear structures formed in the
simulations with the values reported by Puerari et al. (2014) for observed feathers
in the grand-design spiral galaxies M51 and M81.
This paper is organized as follows. In Section 3.2, we introduce the basic MHD
equations and our choices of the parameters, as well as the equilibrium shock solu-
tions we use as a background state of the WI. In Section 3.3, we derive the linearized
perturbation equations for our normal-mode stability analysis and present the shock
jump conditions. We also give the computational method to obtain the dispersion
relations. In Section 3.4, we present the resulting dispersion relations for 1D and
2D modes as well as the results of the MHD simulations, and discuss the effect of
magnetic fields on the WI. In Section 3.5, we summarize our findings and discuss
their astronomical implications.
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3.2 Steady Spiral Shocks
3.2.1 Basic Equations
We consider magnetized spiral shocks in a galactic disk and study their stability
to small-amplitude perturbations. The disk is assumed to be infinitesimally thin,
isothermal with the speed of sound cs, and non-self-gravitating: the effect of self-
gravity will be studied in a separate work.
Following Roberts (1969), we employ a local Cartesian coordinate system (x, y)
with the x- and y-axes representing the directions perpendicular and parallel to a
local segment of a spiral arm, respectively (see also Shu et al. 1973; Balbus 1988).
We place the local frame at the galactocentric distance R and let it corotate with the
arm at the pattern speed Ωp. Let i denote the pitch angle of the arm segment. By
taking the local approximation (|x|, |y|  R) and assuming that the arm is tightly
wound (sin i 1), the background gas velocity in the local frame arising from galaxy
rotation is given by
vc ≡ ucx̂ + vcŷ = R(Ω− Ωp) sin i x̂ + [R(Ω− Ωp)− qcΩx] ŷ, (3.1)
where Ω is the rotational angular velocity at R and qc ≡ −d ln Ω/d lnR is the
local shear rate in the absence of the arm: the term involving qc handles differ-
ential rotation in our local models. The corresponding epicycle frequency is κ =
(R−3d[Ω2R4]/dR)1/2 = (4− 2qc)1/2Ω. Note that vc in Equation (3.1) depends only
on x and is independent of y (see also Kim & Ostriker 2002), which allows to explore
the behaviors of periodic waves in the y-direction.
Since the length scales involved in gas dynamics over galactic disks are enor-
mously large compared to electrical diffusion scales (Roberts & Yuan 1970; see also
Shu 1992), the magnetic Reynolds number is much larger than unity. In this case,
one can make the “frozen-in-field” approximation in which the ISM is assumed to
be tightly coupled to the magnetic fields. Expanding the compressible, ideal MHD
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equations in the local frame, one obtains
∂Σ
∂t
+∇ · (ΣvT ) = 0, (3.2)
∂v
∂t






= ∇× (vT ×B), (3.4)
together with
∇ ·B = 0, (3.5)
where Σ =
∫
ρdz is the gas surface density, v is the gas velocity induced by the
arms, and vT = v+vc is the total gas velocity in the local frame. In Equations (3.3)
and (3.4), B = H1/2B3D, where B3D is the midplane value of the three-dimensional
magnetic fields and H = Σ/ρ is the disk scale height that is assumed to be constant
over R (e.g., Kim & Ostriker 2001, 2002).
In Equation (3.3), Φs denotes the gravitational potential of the stellar spiral
arms, for which we take a simple sinusoidal shape:






constant along the y-direction. Here, Φ0(< 0) is the amplitude and L = 2πR sin i/m
is the arm-to-arm distance for m-armed spirals. We consider a domain with −1/2 ≤
x/L ≤ 1/2, so that the spiral potential achieves its minimum at the domain center








which corresponds to the maximum gravitational force due to the spiral arms relative
to the centrifugal force of the background galaxy rotation (e.g., Roberts 1969).
In the absence of spiral arms, the gaseous disk has a uniform surface density Σc
and uniform magnetic fields Bcŷ parallel to the arms. We quantify the strength of
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where v2A,c ≡ B2c/4πΣc is the Alfvén speed, and Pc = c2sρc is the mean thermal
pressure of the ISM at the galactic plane. Adopting the fiducial values Pc/kB ∼
2000 − 3000 K cm−3 (Heiles 2001) and B3D,c = 1.4µG (Rand & Lyne 1994) in the
solar neighborhood, β ' 4, but we consider a range of β to study various situations
with differing field strength.
In Appendix A, we combine Equations (3.2)–(3.5) to obtain(
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ξ ≡ ∇× vT + 2Ω
Σ
(3.10)
is PV. This states that PV is, in general, not conserved in the presence of magnetic
fields. This is unlike in 2D unmagnetized flows where ξ remains constant along a
given streamline.
Equations (3.2)–(3.8) can be completely specified by seven parameters: qc, m,
sin i, Ωp/Ω, cs/(RΩ), F , and β. We fix to qc = 1, m = 2, sin i = 0.1, Ωp/Ω = 0.5,
and cs/(RΩ) = 0.027, and vary F = 5%–10% and β = 1–∞ for our presentation
below.
3.2.2 Equilibrium Shock Profiles
We now seek for 1D steady solutions of Equations (3.2)–(3.5) subject to a spiral-arm
forcing with strength F , which will be used as an unperturbed equilibrium state in
Section 3.3. Let us denote the steady solutions using the subscript “0” as Σ0(x),
v0 = u0(x)x̂ + v0(x)ŷ, and B0 = B0(x)ŷ. Then, the steady-state conditions yield
Σ0uT0 = Σcuc = constant, (3.11)


























B0uT0 = Bcuc = constant. (3.14)
Equations (3.11) and (3.14) imply that B0 ∝ Σ0, a usual relation resulting from the
conservation of mass and magnetic flux in one dimension. Eliminating Σ0 and B0 in



























is the Alfvén speed in an equilibrium configuration. Note that vA0 ∝ B1/20 ∝ u
−1/2
T0 .
It can be shown that the PV in the equilibrium flows is
ξ0 =






which is constant everywhere even in magnetized spiral shocks. This results from the
fact that an equilibrium shock satisfies ∇×B0 = 0 (Eq. (3.9)). Note that Equation










indicating that shear is reversed wherever Σ0/Σc ≥ 2/(2−qc) = 2 for qc = 1 (Balbus
& Cowie 1985; Kim & Ostriker 2002).
The equilibrium velocity profiles can be obtained by solving Equations (3.13)
and (3.15) simultaneously. We follow the method given by Shu et al. (1973) (see
also Lee & Shu 2012; Paper I). The detailed procedure is provided in Appendix B.
Figure 3.1 plots exemplary profiles of equilibrium spiral shocks for F = 5% and 10%
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and β =∞, 10, 3, and 1. A filled circle marks the magnetosonic point, xmp, in each
shock profile. Table 3.1 lists the associated values of xmp, the shock position xsh, and
the preshock and postshock surface densities Σs−0 and Σ
s+










as well as the preshock Mach numberM≡ us−T0/cs. It is apparent that magnetic fields
make the shock weaker by providing magnetic pressure, reducing µ considerably.
Since Σs−0 and M are insensitive to β for fixed F , the reduction of the compression
factor due to magnetic fields occurs primarily by making the shock front move toward
the upstream direction. Note that shear is reversed in the regions behind the shock
front where Σ0/Σc ≥ 2. The degree of shear reversal defined as q0 in Equation (3.18)
is larger as the shock becomes stronger, which makes the structures that develop
as a consequence of the WI more perpendicular to the arms, as will be shown in
Section 3.4.4.
3.3 Linear Stability Analysis
3.3.1 Perturbation Equation
We apply small-amplitude Eulerian perturbations, denoted by Σ1, u1, v1, and B1,
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Figure 3.1 One-dimensional steady-state shock profiles for F = 5% (black) and 10%
(red) with differing β. Each dot marks the magnetosonic point. The shock becomes
weaker for smaller F and β. Note that shear reversal in the immediate postshock
regions is stronger for larger F and β.
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Table 3.1. Properties of Equilibrium Spiral Shocks
F β xmp/L xsh/L Σs−0 /Σc Σ
s+
0 /Σc µ M
∞ 0.007 −0.069 0.546 6.31 11.6 3.40
100 0.008 −0.070 0.545 6.12 11.2 3.41
0.05 10 0.017 −0.078 0.538 5.01 9.29 3.45
5 0.030 −0.085 0.534 4.34 8.12 3.48
3 0.057 −0.093 0.528 3.79 7.17 3.52
1 0.193 −0.125 0.512 2.62 5.12 3.63
∞ 0.115 −0.005 0.316 10.9 34.5 5.87
100 0.118 −0.006 0.316 10.4 32.7 5.88
0.10 10 0.143 −0.013 0.314 7.80 24.8 5.92
5 0.165 −0.019 0.312 6.54 20.9 5.94
3 0.187 −0.026 0.311 5.58 17.9 5.97
1 0.249 −0.054 0.310 3.70 11.9 5.99
Note. — For the arm and galaxy parameters of qc = 1, m = 2,
sin i = 0.1, Ωp/Ω = 0.5, and cs/(RΩ) = 0.027. The spiral potential
is minimized at x = 0.


















and m1(x, y, t) is the perturbed vector potential defined through B1 ≡ ∇× (m1ẑ).
Since the coefficients in Equations (3.20)–(3.23) depend only on x, we may con-











 exp(−iωt+ ikyy), (3.25)
where ω and ky are the frequency and y-wavenumber of the perturbations, respec-
tively. Equations (3.20)–(3.23) then reduce to







































































































































ωD(x) = ω − kyvT0 (3.30)
is the Doppler-shifted frequency. We take a convention that ky is a pure real number
and ω is a complex number.
3.3.2 Shock Jump Conditions
The applied perturbations also disturb the shock front into a sinusoidal shape. Let
the shape of the perturbed shock front be described by
ζ1(x, y, t) = Z1 exp(−iωt+ ikyy), (3.31)
with the constant amplitude Z1. The unit vectors normal and tangential to the
instantaneous shock front are given by n̂ = (1,−ikyζ1) and t̂ = (ikyζ1, 1), respec-
tively, while the velocity of the shock front is vsh = (−iωζ1, 0) to the first order in
ζ1 (Dwarkadas & Balbus 1996; Lee & Shu 2012; Paper I). It is then straightforward
to show that the perturbations at the perturbed shock positions can be written as












B⊥(xsh + ζ1) ≈ ikym1 − ikyζ1B0, (3.32d)
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where the “⊥” and “‖” signs denote the components perpendicular and parallel
to the instantaneous shock front in the stationary shock frame, respectively. All the
quantities in the right-hand side of Equation (3.32) are evaluated at x = xsh.
The jump conditions at the perturbed shock location are given by






















∆s (B⊥) = 0, (3.33e)
(e.g., Shu 1992). Substituting Equation (3.32) into Equation (3.33), one can see that
the zeroth-order terms results in Equation (B.8). The first-order terms are grouped
to yield
Σ0uT0∆s (S1) + ∆s (Σ0U1) + iZ1ω
s


















































∆s (M1)− Z1∆s (B0) /Bc = 0, (3.37)
where ωsD = ωD(xsh). Note that Equations (3.33d) and (3.33e) give the same result,
Equation (3.37).
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3.3.3 Expansion near the Magnetosonic Point
Since the left-hand sides of Equations (3.26) and (3.27) become identically zero at
the magnetosonic point, the right-hand sides should also vanish at x = xmp in order
for regular solutions to exist. Let us expand the perturbation variables near x = xmp
as
S1 = a0 + a1η +O(η2), (3.38a)
U1 = b0 + b1η +O(η2), (3.38b)
V1 = c0 + c1η +O(η2), (3.38c)
M1 = d0 + d1η +O(η2), (3.38d)
with coefficients a0,1, b0,1, c0,1, and d0,1. Substituting Equations (B.2) and (3.38)
into Equations (3.26)–(3.29) and taking zeroth- and first-order terms in η, one can
obtain a system of five linear equations for the coefficients. This indicates that the
solutions near x = xmp can be completely specified by three constants a0, b0 and d0.
The resulting coefficients of the perturbation variables near the magnetosonic points
are presented in Appendix C.
As in Paper I, we solve Equations (3.26)–(3.29) as a boundary value problem
with eigenvector (S1, U1, V1,M1, Z1) and eigenvalue ω. Since this is a linear problem,
we are allowed to take the amplitude of one variable arbitrarily, for which we fix
Re(a0) = Im(a0) = 1 at the magnetosonic point. We choose three trial complex
values for ω, b0, and d0. This specifies the values of S1, U1, V1, and M1 as well as their
derivatives at x = xmp from Equation (3.38). We then integrate Equations (3.26)–
(3.29) from x = xmp both in the downstream direction up to x = xsh +L and in the
upstream direction to x = xsh, and apply the periodic conditions to the perturbation
variables. At the shock front, the fourth boundary condition (Eq. (3.37)) determines
Z1, which is in turn used to check the other three boundary conditions. If Equations
(3.34)–(3.36) are not satisfied within tolerance, we return to the first step and repeat
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the calculations by changing b0, d0, and ω, one by one, until all the perturbed jump
conditions are met.
3.4 Results
3.4.1 One-dimensional Modes with ky = 0
We first apply the method described above to 1D perturbations with ky = 0. Tables
3.2 and 3.3 list the ten lowest eigenfrequencies with differing β for F = 5% and
F = 10%, respectively. The modes are numbered in the ascending order of Re(ω).
Strongly magnetized shocks with small β possess a small number of modes. In most
cases, spiral shocks have a pure decaying mode (with Re(ω) = 0 and Im(ω) < 0), a
single overstable mode (with Re(ω) 6= 0 and Im(ω) > 0), and multiple underdamping
modes (with Im(ω) < 0). The behavior of the growth rate of the overstable mode
with β is not simple. In models with F = 5%, magnetic fields tend to stabilize the 1D
overstable mode, suppressing it completely when β ≤ 3. In models with F = 10%, on
the other hand, Im(ω) of the overstable mode is almost independent of β. Figure 3.2
compares the eigenfunction S1 between β = ∞ and 10 cases for five odd-n modes,
showing that magnetic fields do not much affect the shapes of the eigenfunctions.
The number of nodes in S1 is 2(n− 3) for n ≥ 5 regardless of β.
To verify the growth rates of the overstable modes found by our stability analysis,
we run direct MHD simulations by utilizing the Athena code (Stone et al. 2008;
Stone & Gardiner 2009). Among various schemes implemented in Athena, we use
the constrained corner transport method for directionally unsplit integration, the
HLLE Riemann solver for flux computation (Harten et al. 1983; Einfeldt et al.
1991), and the piecewise linear method for spatial reconstruction. The simulation
domain is a 1D box with length L resolved by 2048 zones. We start from an initially
uniform surface density Σc and uniform magnetic fields with β = 1 in the local frame
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Table 3.2. Eigenfrequencies of One-dimensional Perturbations for F = 0.05
β =∞ β = 100 β = 10
mode Re(ω)/Ω Im(ω)/Ω Re(ω)/Ω Im(ω)/Ω Re(ω)/Ω Im(ω)/Ω
1 0.000 −3.727× 10−1 0.000 −3.746× 10−1 0.000 −3.760× 10−1
2 0.692 −1.782× 10−1 0.695 −1.799× 10−1 0.714 −1.859× 10−1
3 1.496 +1.222× 10−3 1.496 +1.123× 10−3 1.497 +5.502× 10−4
4 2.628 −1.380× 10−2 2.629 −1.285× 10−2 2.640 −1.260× 10−2
5 4.023 −2.758× 10−2 4.037 −2.147× 10−2 4.075 −1.942× 10−2
6 5.554 −2.543× 10−2 5.562 −1.935× 10−2 5.632 −1.610× 10−2
7 7.144 −2.618× 10−2 7.149 −1.614× 10−2 7.249 −1.159× 10−2
8 8.759 −3.077× 10−2 8.767 −1.745× 10−2 8.898 −8.692× 10−3
9 10.389 −2.555× 10−2 10.406 −1.234× 10−2 10.568 −7.080× 10−3
10 12.033 −2.250× 10−2 12.057 −1.056× 10−2 12.248 −6.936× 10−3
β = 5 β = 3 β = 1
mode Re(ω)/Ω Im(ω)/Ω Re(ω)/Ω Im(ω)/Ω Re(ω)/Ω Im(ω)/Ω
1 0.000 −4.422× 10−1 0.000 −6.030× 10−1 0.965 −2.822× 10−1
2 0.737 −1.920× 10−1 0.772 −1.980× 10−1 1.501 −1.595× 10−3
3 1.498 +1.309× 10−4 1.499 −2.745× 10−4 2.731 −8.620× 10−3
4 2.652 −1.211× 10−2 2.667 −1.135× 10−2 4.363 −7.434× 10−3
5 4.113 −1.803× 10−2 4.160 −1.595× 10−2 6.136 −2.720× 10−3
6 5.701 −1.381× 10−2 5.784 −1.103× 10−2 - -
7 7.348 −8.594× 10−3 7.469 −4.305× 10−3 - -
8 9.032 −6.711× 10−3 9.185 −2.242× 10−3 - -
9 10.727 −3.669× 10−3 10.920 −1.430× 10−3 - -
10 12.437 −2.614× 10−3 - - - -
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Table 3.3. Eigenfrequencies of One-dimensional Perturbations for F = 0.10
β =∞ β = 100 β = 10
mode Re(ω)/Ω Im(ω)/Ω Re(ω)/Ω Im(ω)/Ω Re(ω)/Ω Im(ω)/Ω
1 0.354 −6.363× 10−1 0.363 −7.086× 10−1 0.379 −6.983× 10−1
2 0.809 −3.897× 10−1 0.817 −3.963× 10−1 0.855 −4.454× 10−1
3 1.614 −1.078× 10−2 1.617 −1.173× 10−3 1.619 −1.517× 10−2
4 2.740 +7.693× 10−3 2.741 +8.745× 10−3 2.759 +8.427× 10−3
5 4.316 −3.565× 10−2 4.319 −2.545× 10−2 4.377 −2.297× 10−2
6 6.019 −5.747× 10−2 6.052 −3.498× 10−2 6.155 −3.220× 10−2
7 7.846 −5.831× 10−2 7.853 −3.778× 10−2 7.996 −2.700× 10−2
8 9.663 −8.771× 10−2 9.678 −3.491× 10−2 9.866 −2.868× 10−2
9 11.509 −7.421× 10−2 11.522 −3.069× 10−2 11.752 −2.190× 10−2
10 13.352 −8.511× 10−2 13.375 −2.640× 10−2 13.645 −1.699× 10−2
β = 5 β = 3 β = 1
mode Re(ω)/Ω Im(ω)/Ω Re(ω)/Ω Im(ω)/Ω Re(ω)/Ω Im(ω)/Ω
1 0.894 −5.006× 10−1 0.935 −5.721× 10−1 1.033 −8.362× 10−1
2 1.622 −2.052× 10−2 1.624 −2.678× 10−2 1.629 −5.097× 10−2
3 2.776 +8.532× 10−3 2.796 +8.896× 10−3 2.877 +9.385× 10−3
4 4.433 −2.016× 10−2 4.498 −1.702× 10−2 4.745 −7.109× 10−3
5 6.250 −2.726× 10−2 6.361 −2.199× 10−2 6.776 −7.802× 10−3
6 8.132 −2.718× 10−2 8.286 −2.087× 10−2 8.863 −2.309× 10−3
7 10.042 −1.719× 10−2 10.241 −1.584× 10−2 - -
8 11.964 −1.949× 10−2 12.207 −7.872× 10−3 - -
9 13.896 −7.560× 10−3 14.180 −2.576× 10−3 - -
10 - - - - - -
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Figure 3.2 Five odd-mode eigenfunctions S1 for 1D perturbations with ky = 0 when
(left) β =∞ and (right) β = 10. The spiral forcing is set to F = 5%. Red and blue
lines represent the real and imaginary parts, respectively. All values are normalized
such that Re(S1) = Im(S1) = 1 at the magnetosonic point located at x/L = 0.007
and x/L = 0.017 for β = ∞ and 10, respectively. The vertical line in each panel
indicates the shock front.
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described in Section 3.2. We slowly turn on the spiral arm potential amplitude and
make it attain full strength F = 10% at t = 40/Ω.
Figure 3.3(a) plots the temporal evolution of the gas surface density at x/L = 0.
Note that Σ increases with time as the arm strength increases and saturates at
about t = 50/Ω, after which Σ exhibits a driven-oscillator behavior. The red solid
lines enveloping the density fluctuations after saturation correspond to the growth
rate of 1.1 × 10−2Ω, very close to the value given in Table 3.3. The inset clearly
shows the oscillations of Σ over the time interval 220 ≤ tΩ ≤ 260. Figure 3.3(b)
plots the Fourier-transformed power spectrum over tΩ = 200–400. It is peaked at
some specific frequencies, indicated by red arrows, equal to the real parts of the
eigenfrequencies listed in Table 3.3. Note the dominance of the n = 3 mode with
Re(ω)/Ω = 2.88 in the power spectrum. This confirms that the results of our linear
stability analysis are reliable at least for the 1D perturbations.
It is uncertain what causes the 1D overstability of spiral shocks. It appears
that the overstability arises due to a complicated interplay among various involved
agents such as spiral forcing, epicycle motions, thermal pressure, magnetic fields,
non-uniform background density and shear, etc. When a spiral shock is displaced
from its equilibrium position, it is forced to move backward, but with an increased
amplitude. Notwithstanding its nature, the growth time of the overstability amounts
to ∼ 4 Gyr (Ω/26 km s−1 kpc−1)−1, which is much longer than that of the 2D wiggle
instability presented below. This is also longer than the expected lifetime (shorter
than ∼ 1 Gyr) of spiral arms (e.g., Sellwood & Carlberg 1984; Oh et al. 2008, 2015;
Speights & Westpfahl 2011, 2012). Therefore, spiral shocks can be considered stable
to 1D perturbations for all practical purposes.
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Figure 3.3 (a) Temporal variations of the gas surface density Σ at x = 0 from a
1D simulation with F = 10% and β = 1. Red solid lines envelope the fluctuation
amplitudes of Σ. The inset zooms in the time range 220 ≤ tΩ ≤ 260 to display
the density fluctuations. (b) The power spectrum of the density fluctuations. The
frequencies marked by the red arrows represent the real parts of the eigenvalues
listed in Table 3.3.
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3.4.2 Two-dimensional Modes ky 6= 0 − Dispersion Relations
We now consider 2D perturbations with ky 6= 0 to explore the WI of magnetized
spiral shocks. Figure 3.4 plots the dispersion relations of ten lowest-frequency eigen-
modes over 0 ≤ kyL ≤ 60 for a spiral shock with F = 5% and β = 10. Similarly
to the 1D modes, these 2D modes are numbered in the ascending order of Re(ω)
at ky = 0. The solid and dashed lines correspond to Im(ω) and Re(ω), respectively.
Note that Re(ω) varies almost linearly with ky, which indicates that the eigenmodes
can be expressed as a linear superposition of entropy-vortex waves and MHD waves
(Paper I). Note also that each mode becomes unstable (i.e., Im(ω) > 0) in a few
ranges of ky, although the corresponding growth rates for all n are less than 0.5Ω.
This is in contrast to the unmagnetized cases in which Im(ω) of the n = 7 mode
keeps increasing with ky (see Fig. 4 of Paper I).
To evaluate the quantitative effects of the magnetic fields on the WI, we compare
the dispersion relations of overstable modes with differing β for the F = 5% and
F = 10% cases in Figures 3.5 and 3.6, respectively. The growth rates and wavelengths
of the most unstable modes depend on F as well as β quite sensitively. The WI of
unmagnetized arms is dominated by a single (n = 7 for F = 5% and n = 4 for
F = 10%) mode, and this holds as long as magnetic fields are relatively weak with
β ≥ 100 for F = 5% and β ≥ 5 for F = 10%. Clearly, magnetic fields reduce both
the maximum growth rate Im(ω)max and the corresponding wavenumber ky,max, such
that Im(ω)max/Ω = 1.36 and 1.13 occurring at ky,maxL = 100.6 and 78.1 for β =∞
and 100, respectively, when F = 5%. For F = 10%, these values are increased to
Im(ω)max/Ω = 4.71, 2.53, 1.46, and 0.90 occurring at ky,maxL = 198.3, 90.5, 47.1,
and 31.9 for β = ∞, 100, 10, and 5, respectively. For more strongly magnetized
arms with β ≤ 10 for F = 5% and β ≤ 3 for F = 10%, on the other hand, there is
no single dominant mode, but spiral shocks are unstable to several different modes
with similar growth rates that become smaller with decreasing β and F . In this
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Figure 3.4 Non-axisymmetric dispersion relations of the ten lowest-frequency eigen-
modes for F = 5% and β = 10. The modes are numbered in the increasing order of
Re(ω) at ky = 0. In each panel, the blue solid line (left y-axis) gives Im(ω), while
the red dashed line (right y-axis) is for Re(ω).
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Figure 3.5 Dependence on β and ky of the growth rates Im(ω) of the dominant
overstable modes for F = 5%. For β ≥ 100, the WI is dominated by the n = 7
mode, while several modes shown have similar growth rates for β ≤ 10. Star symbols
mark the growth rates and wavelengths of the WI measured from direct numerical
simulations in Section 3.4.4.
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Figure 3.6 Dependence on β and ky of the growth rates Im(ω) of the dominant
overstable modes for F = 10%. For β ≥ 5, the WI is dominated by the n = 4 mode,
while several different modes have similar growth rates for β ≤ 3.
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case, the range of the most unstable wavenumbers is ky,maxL ∼ 20–50 for F = 5%
and ky,maxL ∼ 5–30 for F = 10%, largely independent of β. For arms with β = 1,
Im(ω)max/Ω ≤ 0.25 and 0.20 for F = 5% and 10%, respectively. The reduction of
the growth rates is larger at larger ky, suggesting that magnetic fields suppress the
growth of the WI, especially for small-scale modes.
Figure 3.7 plots the eigenfunctions S1, U1, V1, M1, and Ξ1 of the most unstable
modes with ω/Ω = 84.4 + 1.13i and kyL = 78.1 for β = 100 in the left panels, and
with ω/Ω = 59.1 + 0.50i and kyL = 53.4 for β = 10 in the right panels. Also plotted
as the black solid lines in the bottom panels are the solutions of Equation (A.9),
which are in good agreement with the direct numerical results. The spiral forcing is
fixed to F = 5% for both cases. When β = 100, the amplitudes of the eigenfunctions
decrease monotonically with the distance downstream from the shock front, similarly
to the unmagnetized cases (Paper I). For more strongly magnetized spiral shocks,
however, the eigenfunctions do not decay monotonically. Although |Ξ1| decreases
with x right after the shock front, the magnetic tension and pressure forces from the
perturbed fields cause the fluctuations in the amplitude of Ξ1 further downstream.
Figure 3.8 overlays the configuration of the perturbed magnetic fields shown as
black solid lines over the real perturbed PV constructed as
Re(ξ1) = Re(Ξ1) cos(kyy)− Im(Ξ1) sin(kyy), (3.39)
in the regions with −0.2 ≤ x/L ≤ 0.3 and 0 ≤ y/λy ≤ 1, with λy = 2π/ky, for
the models shown in Figure 3.7.2 White dots in both panels trace the wavefronts of
the perturbed PV, clearly showing a discontinuity in kx across the shock located at
x/L = −0.07 and −0.08 for β = 100 and 10, respectively. Gas motions associated
with entropy-vortex modes and MHD modes not only bend magnetic fields but
2Note that the configurations of the perturbed field lines shown in Figure 3.8 are only for an
illustrative purpose: they do not well trace the total field lines when the unperturbed component is
stronger than the perturbed one.
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Figure 3.7 Eigenfunctions S1, U1, V1, M1, and Ξ1 of an overstable mode (left) with
ω/Ω = 84.4 + 1.13i and kyL = 78.1 for β = 100 and F = 5% and (right) with
ω/Ω = 59.1 + 0.50i and kyL = 53.4 for β = 10 and F = 5%. The red solid and blue
dotted curves represent the absolute values of the real and imaginary parts. The
shock front is indicated by the vertical dashed line in each panel. The black dots in
the top panels mark the magnetosonic points. The black solid lines enveloping the
eigenfunctions in the bottom panels draw the solutions of Equation (A.9).
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Figure 3.8 Distributions of the perturbed magnetic fields (black solid lines) in the
regions with −0.2 ≤ x/L ≤ 0.3 and 0 ≤ y/λy ≤ 1 overlaid over the perturbed
PV, Re(ξ1), displayed in color scale for the (a) β = 100 and (b) β = 10 cases with
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also compress them in the postshock flows. This in turn breaks the conservation
of the PV and results in a non-monotonic behavior of |Ξ1|. Consequently, the net
reduction of the perturbed PV from one shock to next is smaller for shocks with
stronger magnetic fields, which should be matched by the jump of the perturbed
PV, ∆s (Ξ1), across the shock front. Note that the perturbed fields are strong inside
the regions of positive Re(ξ1) created by the WI, and reverse the directions in the
regions between them.
3.4.3 Two-dimensional Modes ky 6= 0 − Effects of Magnetic Fields
on the WI
For unmagnetized shocks, Paper I derived an analytic expression for the change of
the perturbed PV across a disturbed shock, demonstrating that the shock distortion
is indeed a source of the PV (see also Hayes 1957; Kevlahan 1997). Appendix D
derives a similar expression by combining Equations (3.34)–(3.36) for the perturbed
PV jump across a magnetized spiral shock. The derived Equation (D.11) recovers
Equation (A8) of Paper I when β =∞.
While ∆s (Ξ1) formally depends on all of the five perturbation variables, we
find empirically that the U1, V1, and Z1 terms dominate in Equation (D.11). Since
|duT0/dx|  |ωsD| for overstable modes, one can approximately write
∆s (Ξ1)
iky






































(µ+ 1)2 − µ(µ− 1)B
]
, (3.45)
with A and B defined by Equations (D.4) and (D.5), respectively. The subscripts “H”
and “M” in the coefficients stand for the hydrodynamic and magnetic contributions
to the perturbed PV, respectively. For unmagnetized shocks, B = 0, so that EU,M =
EZ,M = 0.
Note that the U1 term in Equation (3.40) results from the tangential variation of
the velocity perpendicular to the shock, which plays a stabilizing role by reducing the
PV by shock compression. The EU,M term explains the PV change by the perturbed
magnetic pressure (Eq. (3.33b)). That both EU,H and EU,M are always positive implies
that the perturbed magnetic pressure stabilizes the WI. This can be seen more
explicitly by considering a special case where the PV is retained only in U1, with
the other perturbation variables taken zero. Then, one can show that Ξs+1 /Ξ
s−
1 =
(2µ− 1)/µ2−EU,M, which is always less than unity. The V1 term in Equation (3.40)
comes simply from the discontinuity of the radial wavenumber across the shock,
independent of the magnetic fields, which also stabilizes the WI (Paper I).
On the other hand, the Z1 term originates from the shock deformation along the
tangential direction. This is a source for the PV generation, leading to the WI. The
EZ,M term is due to the perturbed magnetic stress (Eq. (3.33c)). Since EZ,H and EZ,M
always have the same sign, the stress of the deformed magnetic fields destabilizes
the WI. Therefore, the role of the perturbed magnetic fields differs in the U1 and Z1
terms. As plotted in Figure 3.9, however, the ratios EU,M/EU,M and EZ,M/EZ,H are
quite small, especially for large β and F . The maximum contribution of the magnetic
terms is less than 30% of the hydrodynamic terms, which occurs when F = 5% and
β = 1. This indicates that the effects of perturbed magnetic fields themselves to the
WI are not significant.
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Figure 3.9 Ratio of the magnetic to hydrodynamic terms in the expression for the
PV jumps across a disturbed shock front due to (a) the perpendicular velocity U1
and (b) the distortion amplitude Z1. Filled and open circles correspond to F = 5%
and 10%, respectively.
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What is then responsible for the reduction of the growth rates in the presence
of magnetic fields, as shown in Figures 3.5 and 3.6? It is through the magnetic
pressure of the unperturbed background fields that tend to reduce the compression
factor µ (Table 3.1; see also Figure 3 of Lee (2014)). The amount of the PV produc-
tion is smaller when a shock is weaker for fixed Z1 (Eqs. (3.44) and (3.45)). More
importantly, the amplitudes of the perturbation variables obtained by integrating
Equations (3.26)–(3.29) decay less with x for smaller µ (e.g., Fig. 3.7), resulting in
larger values of |U s−1 | and |V
s−
1 | in more strongly magnetized shocks. This enhances
the stabilizing role of the velocity terms relative to the destabilizing Z1 term in
Equation (3.40). Consequently, spiral shocks with stronger magnetic fields become
more stable to the WI.
3.4.4 Numerical Simulation
To check the results of our 2D linear stability analysis, we run direct MHD sim-
ulations using the Athena code. As a simulation domain, we set up a rectangular
box with size L× 2L that is resolved by a 2048× 4096 grid.3 Initially, we construct
a 1D shock profile found in Section 3.2.2 as a background state. We then apply
small-amplitude perturbations to the background density that are realized by a flat-
power Gaussian random field with a standard deviation of 10−3Σ0. We take the
shearing-periodic boundary conditions at the x-boundaries and the periodic bound-
ary conditions at the y-boundaries (e.g., Hawley et al. 1995; Kim & Ostriker 2002,
2006).
Figure 3.10 displays snapshots of the gas surface density in logarithmic scale and
the configurations of the magnetic fields in the regions with −0.2 ≤ x/L ≤ 0.35
and 0.5 ≤ y/L ≤ 1.2 for models with β = 100, 10, 5, and 3 at tΩ = 8, 16, 25,
3By also running models with size L × L, we have confirmed that the numerical results are
insensitive to the domain size along the y-direction since ky,maxL 1.
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Figure 3.11 Temporal evolution of the maximum surface density measured at x = 0
from the models shown in Figure 3.10. The growth rate measured from the slope
indicated as the line segment in each model is consistent with the results of the
normal-mode linear stability analysis.
40 when the WI saturates, respectively. The number of nonlinear structures along
the y-direction that develop most strongly over the simulations domain is 21, 15,
12, and 9, corresponding to the wavenumber of ky,maxL = 66.0, 47.1, 37.7, and
28.3 for β = 100, 10, 5, and 3, respectively. Note that the magnetic fields bend
around nonlinear structures that are more strongly magnetized than the surrounding
regions.
Figure 3.11 compares the temporal evolution of the maximum surface density
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measured at x/L = 0 in these models. The fastest growing mode in each model has a
slope of 0.48, 0.22, 0.17, and 0.13, corresponding to the growth rate of Im(ω)max/Ω =
1.11, 0.50, 0.39, and 0.30, for β = 100, 10, 5, and 3, respectively. These numerically
measured wavelengths and growth rates are marked as star symbols in Figure 3.5,
in good agreement with the analytic results for the n = 7, 10, 9, and 7 modes,
respectively. Since various overstable modes with different n have similar maximum
growth rates, which mode the system picks up should also depend on the initial
power imposed by specific perturbations. In the model with β = 3, for example,
the initial density perturbations with kyL = 25.1 corresponding to the maximum
growth rate of the n = 7 mode are about an order of magnitude larger than those
with kyL = 37.8 corresponding to the peak of the n = 9 mode, emerging most
strongly in the nonlinear stage, despite having a slightly (∼ 6.7%) smaller growth
rate.
Finally, we remark on the level of turbulence generated by the WI. In the sim-






Σdxdy)1/2, in the direction parallel to the arms is found to be∼ 1.4, 1.1, 0.8,
and 0.7 km s−1 at the time when the WI saturates for β = 100, 10, 5, and 3, re-
spectively, which are interestingly equal approximately to Im(ω)max/ky,max.
4 Due to
nonlinear interactions and mergers of clumps created by the WI, σy increases further
by about a factor of 2. This suggests that the WI can be a considerable, although
not dominant, source of turbulence energy in the ISM since the energy injection
occurs to the densest part of the gas.
4The density-weighted velocity dispersion in the direction perpendicular to the arm is not entirely
due to the WI because of the contamination by 1D overstable modes that make the shock move
back and forth in the x-direction (Section 3.4.1).
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3.5 Summary and Discussion
We have investigated the WI of magnetized spiral shocks in a galactic disk using
both a linear stability analysis and direct MHD simulations. This is a straightfor-
ward extension of Paper I that studied the case of unmagnetized spiral shocks. We
assume that the gas disk is infinitesimally thin, isothermal, and non-self-gravitating.
We parameterize the strengths of the stellar spiral arms and magnetic fields us-
ing the dimensionless parameters F and β, respectively (Eqs. (3.7) and (3.8)). As
background states, we first obtain the steady spiral shock profiles with differing F
and β. We then impose small-amplitude wiggling perturbations to the equilibrium
spiral shocks, and calculate their dispersion relations as a boundary-value problem
with eigenfrequencies. Our local MHD simulations readily pick up the most unstable
modes for a given set up parameters, with the numerical growth rates very close to
the results of the linear stability analysis.
The existence of the overstable modes proves that the WI is physical in origin,
resulting from the accumulation of the perturbed PV from a distorted shock front.
Our results show that magnetic fields suppress the WI, but not completely, at least
for β ≥ 1. The stabilizing role of magnetic fields is not from the perturbed fields
but directly from the background unperturbed fields that tend to reduce the shock
compression factor µ by exerting magnetic pressure. When magnetic fields are rel-
atively weak, the WI is dominated by a single dominant mode. When F = 5%,
the most unstable mode has a growth rate Im(ω)max/Ω = 1.36 and 1.13 occurring
at ky,maxL = 100.6 and 78.1 for β = ∞ and 100, respectively. When F = 10%,
these values are increased to Im(ω)max/Ω = 4.71, 2.53, 1.46, and 0.90 occurring at
ky,maxL = 198.3, 90.5, 47.1, and 31.9 for β = ∞, 100, 10, and 5, respectively. For
more strongly magnetized arms with β ≤ 10 for F = 5% and β ≤ 3 for F = 10%,
on the other hand, several overstable modes have similar growth rates that become
smaller with decreasing β, while the wavelength range of the most unstable modes
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is ky,maxL ∼ 20–50 for F = 5% and ky,maxL ∼ 5–30 for F = 10%, insensitive to β.
We have found that magnetic fields stabilize the WI at small scales by reducing
the shock compression factor. When β = 10, the most unstable wavelength is de-
creased by a factor of about 2 and 4 for F = 5% and 10%, respectively, compared to
the unmagnetized cases. The stabilization of the WI by magnetic fields has already
been observed in previous nonlinear simulations of spiral galaxies. For instance, Kim
& Ostriker (2006) ran 2D local models for the formation of feathers and provided the
magnetic field topology at the nonlinear stage resulting from the vorticity generation
near the shock front. They further showed that vortical clumps produced merge into
massive clouds with mass ∼ 107 M each in the presence of self-gravity. Grid-based
global simulations by Shetty & Ostriker (2006) found no indication of the develop-
ment of the WI in a model with β = 1 and F = 10%. Based on our results, this
is presumably not because magnetic fields completely suppress the WI but because
its growth time is longer than the simulation time span (two orbits) in their models
with very weak (∼ 0.1%) initial perturbations.5 By running particle-based simula-
tions, on the other hand, Dobbs & Price (2008) found non-axisymmetric structures,
albeit weak, sill grow in models with β = 1. This is probably because they might
have large-amplitude density perturbations arising from the Poisson noises in the
initial particle distributions, helping the WI readily manifest in their simulations.
It is interesting to compare the predicted wavelength λy,max = 2π/ky,max from
our linear stability analysis with the observed spacings of feathers. By analyzing
the Hubble archival data, La Vigne et al. (2006) measured the feather spacings in
grand-design spiral galaxies. They reported that M51 and M74 have the feather
spacing that increases from ∼ 0.2 kpc in the inner regions (R ∼ 1 kpc) to ∼ 1 kpc
5Figure 3.6 indicates that the maximum growth rate of the WI is Im(ω)max ' 0.25Ω for β = 1
and F = 10%. Thus, the amplitude of the perturbations that start out initially at 0.1% is expected
to grow via WI to 10−3 exp(0.25× 4π) ∼ 0.02 after two orbits, which is too small to be evident in
the models of Shetty & Ostriker (2006).
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in the outer regions (R ∼ 10 kpc). Adopting the arm pitch angles of i = 21.1◦
for M51 (Shetty et al. 2007) and i = 15.7◦ for M74 (Gusev & Efremov 2013) (see
also Honig & Reid 2015), these correspond to λy,max/L ∼ 0.1–0.2, consistent with
our results for magnetized arms with β . 10 for F = 5% or with β ∼ 5–10 for
F = 10%.6 Elmegreen & Elmegreen (1983) presented the separations of H II regions
and H I superclouds along arms in various spiral galaxies. Taking m = 2 and i = 20◦
arbitrarily, the observed separations listed in their Table 2 are distributed in the
range λy,max/L = 0.1–1, with a mean value of ∼ 0.4, a factor of ∼ 2–4 larger than
the mean feather spacings mentioned above. This may indicate that H II regions
and H I superclouds represent highly nonlinear structures created by mergers of
WI-induced feathers.
Recently, Puerari et al. (2014) introduced a new method to locally determine the
distributions of the pitch angles of spiral arms and their substructures. Applying
the method to 8 µm Spitzer images of M51 and M81, they found that the mean
difference between the pitch angles of the main spiral arms and the interarm sec-
ondary structures is ∆i ∼ 10◦–30◦. We apply the same method to the results of our
MHD simulations to calculate the pitch angles of the nonlinear structures resulting
from the WI off the main arms. Figure 3.12 plots ∆i when the structures saturate in
models with β = 3–100 and F = 5%, averaged over the immediate postshock regions
from x = xsh to x = xsh +L/4. Note that ∆i is smaller in more strongly magnetized
models. This is mostly because of shear reversal in the postshock regions, discussed
in Section 3.2.2, which is larger for stronger shocks. Since shear reversal tends to
decrease kx, ∆i = tan
−1(ky/kx) is smaller for weaker shocks with smaller β. The
numerical values of ∆i ∼ 20◦–35◦ for β ∼ 3–10 are close to the values obtained by
Puerari et al. (2014) for M51 and M81.
6In M51, the total field strength in the arm regions is ∼ 20–25µG (Fletcher et al. 2011). Taking
the mean gas surface density of 102–102.5 M pc
−2 (Meidt et al. 2013) and a disk scale height of
H = 100 pc, this corresponds to βarm ∼ 1–7.
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Figure 3.12 Difference between the pitch angles of the main arm and the nonlinear
structures stretched from it in the numerical simulations with F = 5%, averaged
over the regions with xsh ≤ x ≤ xsh +L/2. Filled circles and errorbars give the mean
values and standard deviations over the time interval of ∆t = 5/Ω from the time
epoch shown in Figure 3.10.
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As discussed above, the theoretical predictions of our analysis based on 2D, non-
self-gravitating models are similar to the observed properties of feathers, suggesting
that the WI may be responsible for the feather formation in the presence of mag-
netic fields. However, it still remains to be seen whether the WI would grow into
observed interarm features in real disk galaxies for the following reasons. First, Kim
& Ostriker (2006) showed that spiral shocks in vertically-stratified disk exhibit non-
steady flapping motions in the direction perpendicular to the arms. Together with
strong vertical shear, these shock flapping motions tend to disrupt coherent vortical
structures and thus prevent the growth of the WI.
Second, Lee & Shu (2012) and Lee (2014) recently conducted a parameter study
of feathering instability of a magnetized, self-gravitating spiral shock. In particu-
lar, Lee (2014) found that the most unstable mode of the feathering instability is
∼ 530 pc in their M51 arm, similar to the observed feather spacing reported by La
Vigne et al. (2006). He also found that the growth rate of the feathering instabil-
ity is typically ∼ Ω, which is larger than the growth rate (∼ 0.2–0.3Ω) of the WI
for β = 1 studied in this work. Without considering the effects of the background
shear, however, they were unable to study the combined effects of the wiggle and
feathering instabilities. It is possible that the WI grows fast and provides seeds for
the onset of the feathering instability. Or, the WI is completely suppressed by shock
flapping motions in stratified disks. To fully understand the feather formation, there-
fore, it is necessary to study the stability of spiral shocks in a vertically extended,
self-gravitating, magnetized disk that harbor not only the wiggle and feathering
instabilities but also the Parker instability.
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Chapter 4
Effects of Magnetic Fields on
the Gaseous Structures in Spiral
Galaxies
4.1 Introduction
Stellar spiral arms in disk galaxies have profound influences on galactic evolution
(e.g., Buta & Combes 1996; Kormendy & Kennicutt 2004; Buta 2013; Sellwood
2014), triggering star formation and driving secular changes in the stellar and gaseous
orbits (e.g., Lin & Shu 1964, 1966; Toomre 1964; Elmegreen 1985; Bertin & Lin 1996;
Foyle et al. 2010). In particular, an angular momentum exchange between gas and
stars is of great importance since it redistributes the mass in the disk. While a few
studies have explored the exchange in the angular momentum (e.g. Kalnajs 1972;
Roberts & Shu 1972; Lubow et al. 1986; Hopkins & Quataert 2011), these studies
considered local, tightly-wound density waves and ignored self-gravitational torques
as well as effects of gas pressure and velocity in the formation of spiral shocks.
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Another interesting issue in galactic gas dynamics is morphological changes in
the gaseous disk and spiral arms. Despite numerous studies focusing on formation
of arm substructures (e.g., Wada & Koda 2004; Shetty & Ostriker 2006; Dobbs &
Bonnell 2006) and on pitch angles of gaseous and stellar arms (e.g.,Gittins & Clarke
2004; Seigar et al. 2006; Davis et al. 2012; Mart́ınez-Garćıa 2012), how the arm and
galactic parameters affect the physical properties of gaseous features has remained
uncertain. In Chapter 2, meanwhile, by using global numerical simulations under
the hydrodynamic (HD) consideration, we explored the morphological and dynami-
cal evolution of gaseous structures depending on the arm parameters. Nevertheless,
it still has several limitations without considering of various physical processes in-
cluding magnetic fields and star formation, as well as radiative cooling and heating.
In particular, magnetic fields, pervasive in the interstellar medium (ISM), can re-
duce the arm-peak density, influencing the gas dynamics significantly (e.g. Kim &
Ostriker 2002; Kim et al. 2002; Lee & Shu 2012). Recent observations provide much
more detailed measurements of magnetic fields in number of disk galaxies, with dy-
namically important strength on the spiral arms (Beck et al. 1996; Chyży et al.
2000; Beck 2007; Fletcher et al. 2011). While magnetic fields in spiral galaxies are
typically strongest within the optical arms, sometimes, the interim region shows the
large-scale field like in IC 342 (e.g., Krause et al. 1993; Beck 2015) and so-called
magnetic spiral arms like in M83 and NGC 6946 (e.g. Beck 2005; Beck et al. 2005).
The strength of magnetic field is typically several µG in the interarm regions and
10 or more µG in the arm regions, of which energy densities are comparable to the
thermal and turbulent energies of the ISM (Heiles & Crutcher 2005). The magnetic
field in spiral galaxies is in general thought to be driven by magnetohydrodynamic
(MHD) dynamo action (Parker 1971a,b; Balsara et al. 2004; Beck et al. 2005; Beck
& Wielebinski 2013). The turbulent dynamo generated by the ISM turbulence am-
plifies the field strength, while the mean-field dynamo mainly arranges the magnetic
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fields and can produce magnetic spiral arms (Moss et al. 1998; Shukurov 1998; Ro-
hde et al. 1999). However, as the magnetic field is strongly related to the dynamics
of the gas, in grand designed spiral galaxies such as M51, the gas experiences strong
spiral shocks, whereby the magnetic fields tend to be aligned with the dust lanes
(Neininger 1992). Yet, the effects of magnetic fields on gaseous structures and mass
inflows in global models of spiral galaxies have not been studied so far. It could be
the magnetic field strength may control the formation and properties of feathers,
which can be checked by running numerical simulations.
Theoretical studies of the interarm features, such as stellar spurs and/or gaseous
feathers stretched from the spiral arm, have mainly focused on the shearing insta-
bility, which comes from the discrepancy of the shear velocity between the pre- and
post-shock layers, due to both the differential rotation of the galactic disk and the
stellar spiral potential. By performing a local shearing-box MHD simulations, Kim
& Ostriker (2002, 2006) found that magnetic effects and gaseous self-gravity play a
key role for producing the gaseous spurs by magneto-Jeans instability, and a good
agreement with the calculations of a modified linear stability analysis of post-shock
flows with magnetic fields done by Balbus (1988) and Elmegreen (1994). Lee & Shu
(2012) and Lee (2014) studied these feather-forming instability in a self-gravitating,
magnetized spiral shock, by performing a linear stability analysis under the local
approximation and did the parameter study of this instability without considering
the background shear. On the other hand, when the spiral potential is relatively
strong (Wada & Koda 2004; Shetty & Ostriker 2006; Kim et al. 2014) or the gas
is too cold (Dobbs & Bonnell 2006, 2007), the gas response to the spiral potential
in the purely HD cases without the gaseous self-gravity is unstable to the shearing
instability, resulting in the formation of secondary structures. Especially, by per-
forming a linear stability analysis and direct numerical simulations under a local
shearing-box regime, Kim et al. (2014) and Chapter 3 provided physical interpre-
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tations for the WI process that relies on the vorticity generation from a distorted
shock front, rather than Kelvin-Helmholtz instability as previously thought. In par-
ticular, Chapter 3 pointed out the role of magnetic fields on the wiggle instability
(WI) which are suppressed by the presence of them.
In order to understand the effects of magnetic fields on the mass drift and mor-
phological features of gaseous spiral arms, we plan to conduct global two-dimensional
MHD simulations with self-gravity included. This is a straightforward extension of
HD models of Chapter 2. Clearly magnetic fields reduce the arm-peak density and
shear rates across the shock front substantially (Kim & Ostriker 2002; Lee & Shu
2012), which is expected to reduce the mass drift rate by arms. On the other hand,
magnetic tension forces from bent field lines near the arms will enhance the mass
drift rate, so that it is unclear if magnetized galaxies would have smaller or larger
mass inflow rates than in the unmagnetized counterpart. These global simulations
also allow us to investigate which mechanism between the WI and gravitational in-
stability is more efficient to form feathers, and the variations of the arm pitch angle
and shock extent upon the field strength. In addition, Kim et al. (2012a) showed
that MHD dynamo in magnetized barred galaxies produces magnetic arms with low
density near the corotation radius (CR) due to the bar potential. Similarly, magnetic
arms are likely to be generated in spiral galaxies near the CR with the arm potential,
as well. How do magnetic arms interact with gaseous arms and their substructure is
an interesting question.
This Chapter is organized as follows. In Section 4.2, we describe galaxy models
and numerical methods. In Section 4.3, we give the numerical results of our MHD
models and examine the major role of magnetic fields on the evolution of gaseous
structures induced by spiral arms, comparing with those of previous HD models.
In Section 4.4, we present the physical properties of the gaseous and magnetic sub-
structures. We summarize our findings and discuss the similarities and differences
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between our numerical results and observations in Section 4.5.
4.2 Methodology
4.2.1 Galactic Models
Initial parameters of our galaxy models are based on those in Chapter 2, except that
we consider an magnetized and exponentially-distributed gaseous disk rather than
an unmagnetized and uniform disk in Chapter 2.
The gaseous disk is infinitesimally thin and self-gravitating with a nearly-flat
rotation velocity about the galaxy center. The profile of the gas disk is taken to be
Σ = Σ0 · exp(−1.65 ·R/R25) M pc−2 (4.1)
where Σ0 = 29.4 and R25 = 16 kpc which has Σ(R = 8.5 kpc) ' 10 M pc−2 ≡ Σc
at solar neighborhood and describes nearby disk galaxies reasonably well (Bigiel &
Blitz 2012). For simplicity, we adopt an isothermal equation of state with a sound
speed of cs = 10 km s
−1 for effectively including a contribution of turbulent motions
(e.g. McKee & Ostriker 2007), and do not consider star formation and its feedback
effects in this work. The basic equations of MHDs in the z = 0 plane corotating with
the spiral potential are
∂Σ
∂t
+∇ · (Σu) = 0, (4.2)
∂u
∂t







−∇(Φext + Φgas) + Ω2pR− 2Ωp × u, (4.3)
∂B
∂t
= ∇× (u×B), (4.4)
∇2Φgas = 4πGδ(z)Σ, (4.5)
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where Σ, u, cs, and Ωp denote the gas surface density, velocity in the rotating
frame, isothermal sound speed, while Φext and Φgas denote the external gravitational
potential and self-gravitational potential, respectively. B represents the midplane
value of the three-dimensional magnetic fields, B3D, times the square root of the
disk scale height, H = Σ/ρ, that is assumed to be constant over R (e.g., Kim &
Ostriker 2001, 2002). Magnetic fields are initially distributed in plane and purely
azimuthal. We characterize the initial magnetic field strength by the dimensionless











where ρ is the midplane value of volume density. In order to study the effects of
magnetic fields strength on the gaseous structures, we choose β with varying from
sub-equipartition (β = 10) and equipartition (β = 1) values for magnetic energy
with thermal energy, as well as pure HD counterparts with β =∞.
The external gravitational potential, represented by Φext in Equation (4.3), di-
vides into two parts: an axisymmetric component and non-axisymmetric spiral com-
ponent Φsp. Identical to initial galaxy model in Chapter 2, the axisymmetric po-
tential has responsible for galaxy rotation and makes a nearly-flat rotation curve
with vc ' 200 km s−1 by consisting of a stellar disk, spherical bulge and halo, and a
central black hole (see Figure 2.1).
For the non-axisymmetic spiral potential, Φgas, we take an identical model used in
Chapter 2 which is a two-armed trailing logarithmic-arm model of Shetty & Ostriker
(2006):









, for R ≥ 2 kpc, (4.7)
and Φsp = 0 at R = 0 kpc with tapered by a Gaussian function between 0 kpc
and 2 kpc (see also Roberts 1969). Here, m, p∗, Ωp, and φ0 mean the number, the
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pitch angle, the pattern speed and the initial phase angle of the spiral arms, respec-
tively. As in Chapter 2, the amplitude of the spiral potential Φ0 in Equation (4.7)




which measures the radial force by the spiral arms in the direction perpendicular to
the arms relative to the centrifugal force due to the background galaxy rotation. In
this work, we fix m = 2, p∗ = 20
◦, φ0 = 147
◦, and F = 10%. As various observations
indicate that the arms in the Milky Way and/or external galaxies have pattern speed
in a wide range of Ωp ∼ 10 − 50 km s−1 kpc−1 (e.g. Amaral & Lépine 1997; Martos
et al. 2004; Zimmer et al. 2004; Fathi et al. 2009; Mart́ınez-Garćıa et al. 2011). To
explore various galactic situations, we run 24 models that differ in F , Ωp, β, and the
presence or absence of gaseous self-gravity, as listed in Table 4.1. The pre-fixes ’M’
and ’H’ indicate MHD and HD models, while the sub-fixes ’F’, ’I’, and ’S’ represent
the models with three different pattern speeds: Ωp = 30 km s
−1 kpc−1 (fast arm),
Ωp = 20 km s
−1 kpc−1 (intermediate-speed arm), and Ωp = 10 km s
−1 kpc−1 (slow
arm), respectively. The post-fixes ’G’ and ’N’ stand for the models with and without
self-gravity, respectively. Our fiducial models are HIG, M10IG, M03IG, and M01IG
which have Ωp = 20 km s
−1 kpc−1.
4.2.2 Numerical Methods
We follow the evolution of the gas by integrating time-dependent ideal MHD equa-
tions (4.2)–(4.4) using the Athena code in Cartesian coordinates (Stone et al. 2008;
Stone & Gardiner 2009). Athena utilizes a higher-order Godunov scheme that con-
serves mass, momentum, and magnetic flux within machine accuracy, and provides
various schemes for time and spatial reconstruction methods, as well as solutions of
the Riemann problem. Among these, we use constrained corner transport method
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Table 4.1. Galaxy Model
Model β Ωs( km s
−1 kpc−1) Self-Gravity
M01FG 1 30 included
M03FG 3 30 included
M10FG 10 30 included
HFG ∞ 30 included
M01IG 1 20 included
M03IG 3 20 included
M10IG 10 20 included
HIG ∞ 20 included
M01SG 1 10 included
M03SG 3 10 included
M10SG 10 10 included
HSG ∞ 10 included
M01FN 1 30 omitted
M03FN 3 30 omitted
M10FN 10 30 omitted
HFN ∞ 30 omitted
M01IN 1 20 omitted
M03IN 3 20 omitted
M10IN 10 20 omitted
HIN ∞ 20 omitted
M01SN 1 10 omitted
M03SN 3 10 omitted
M10SN 10 10 omitted
HSN ∞ 10 omitted
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for directionally unsplit integration, the HLLC (for HD models) or HLLD (for MHD
models) Riemann solver for flux computation, and the piecewise linear method for
spatial reconstruction. As all the simulations are performed in a corotating frame
with the arms, the spiral potential remains stationary until the end of simulations.
In order to avoid strong responses of the gas flow driven by a sudden introduction
of the spiral arms, we slowly increase Φsp over the timescale of 0.1 Gyr.
The computational domain for our simulation models has a 2048× 2048 square
zone, covering with side 60 kpc in each direction. The corresponding grid spacing is
∆x = ∆y = 29.3 pc, sufficient to resolve gaseous and magnetic substructures. We
implement the outflow boundary condition at the outer boundary and taper the
spiral potential near the boundaries for reducing the mass loss near the edges.
For self-gravitating models, we employ the method adopted by Kim & Ostriker
(2002) and Shetty & Ostriker (2006) which use Fourier methods for calculating Φgas.
For the dilution of self-gravity at the disk midplane due to the non-zero thickness, we
take modifying method to allow for a finite disk thickness using softening parameter
H and adopt H = 200 pc for normal disk galaxies (Kim & Ostriker 2002).
4.3 Simulations Results
We first explore the evolution of the gaseous structures induced by the imposed
potential, comparing MHD cases with HD counterparts. In this section, we focus on
the effects of magnetic fields on the global structures of spiral arms and mass drift
rates. The morphological evolution of gaseous and magnetic substructures will be
discussed in Section 4.4.
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4.3.1 Overall Evolution
At early stage, our standard models with Ωp = 20 km s
−1 show qualitatively sim-
ilar evolution, regardless of the existence of magnetic fields on the gas disk. The
spiral potential strongly induces crowding of gas orbits and creates large-scale spi-
ral shocks. Representative characteristics of the magnetic fields are alleviating the
shock strength due to the magnetic pressure force, changing the pitch angles of spi-
ral shocks, and reducing the formation of wiggles at the shocks. Figure 4.1 plots
surface density distributions together with the magnetic field lines of I models
with Ωp = 20 km s
−1 kpc−1 for β = 10 (middle column) and 1 (right column) at
t = 0.2, 0.4, 0.6, 0.8 Gyr, including the HD counterpart (β =∞, left column). The
CR of the spiral arms is plotted as dashed circle in each panel. The evolution of
gaseous disk in Model HIG, the unmagnetized model, is not much different from the
previous work shown in Kim & Kim (2014), although we change the initial profile
of the gaseous disk from uniformly to exponentially distributed one. Especially, the
spiral shocks does not extend over the termination radius of Rterm ≈ 25 kpc. Even
though the profile of the surface density is changed, the physical reason of the shock
extension, the gas does not properly feel variation of the spiral potential due to
its rapid rotation farther away from the CR, is still valid. In Section 4.3.2, we will
investigate this more quantitatively. As moving away from the CR, the discrepancy
between rotation velocities of the gas and spiral potential increases, and thus the
spiral shocks produce a ring-like structure near Rterm due to curling back radially
in and connecting with two arms at late time (refer to Section 2.6.2 in Chapter 2).
Note that these global structures of the spiral shocks does not much changed from
magnetized models to unmagnetized counterparts, qualitatively.
In Figure 4.1, interesting morphological change due to the presence of magnetic
fields is the wiggle, perpendicularly stretched from the spiral shocks. The physical
origin of the wiggle has opened to dispute. Wada & Koda (2004) explained that the
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Figure 4.1 Logarithms of the surface density distributions and magnetic field con-
figurations for models HIG, M10IG, and M01IG from left to right at t = 0.2, 0.4,
0.6, and 0.8 Gyr. The dashed circle in each panel indicates the CR of the arms.
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Kelvin-Helmholtz instability of the shear layer at the shock has a responsibility of
appearing the wiggle, based on the Richardson criterion, while Hanawa & Kikuchi
(2012) suggested the possibility of the numerical artifact, caused by the inability of
a numerical method for resolving a shock inclined to numerical grids. Very recently,
using the linear stability analysis and HD simulations under the local shearing box,
Kim et al. (2014) argued that secularly accumulated potential vorticity (PV) at
the distorted shocks produces clumps in the non-linear stage. They confirmed that
the growth rate of the wiggle instability increase with stronger shocks as well. Our
numerical simulations in Chapter 2 shows that the wiggle instability is stronger in
models with a greater pattern speed and develops well in the regions away from the
CR, since its growth is relate to numerical viscosity and shock strength. In following
work of Kim et al. (2014), Chapter 3, we investigate the effects of magnetic fields on
the wiggle instability, assuming the local shearing domain. From the linear stability
analysis and local MHD simulations, the wiggle instability is highly suppressed and
its spacing quite increases as the magnetic field is stronger. Figure 4.1 shows that
wiggles appears in some parts of spiral shocks and finally form large clumps, espe-
cially prominent in unmagnetized case. However, the wiggle instability is weaker in
models with strongly magnetized spiral shocks and this is consistent to the results
in Kim & Kim (2014) and Lee (2014) which explore the effects of magnetic fields on
wiggle and/or feathers in local frame.
Figure 4.2 plots the azimuthal cut profiles of fluid variables at R = 15 kpc and
t = 0.2 Gyr of models with different β in Figure 4.1. This figure shows that major
effect of magnetic fields is reducing the strength of spiral shocks due to the magnetic
pressure force and making the shock fronts move toward the upstream direction. As
the growth of wiggles requires strong shocks (Wada & Koda 2004; Kim & Ostriker
2006; Kim & Kim 2014), strong magnetic fields tend to decrease the shock strength
and restrain the wiggle instability occurring on small scale. The physical properties
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Figure 4.2 The distributions of fluid variables along the azimuthal direction at R =
15 kpc and t = 0.2 Gyr of I models with β = ∞ (dotted line), β = 10 (solid line),
and β = 1 (dashed line) in Figure 4.1. Surface density is illustrated at (a), while the
velocity components in (b) and (c) represent the inertial-frame azimuthal and radial
velocities, respectively.
118 Magnetic Fields in Spiral Galaxies
of the wiggle depending on β will be discussed in Section 4.4.2, comparing with
previous results on local domain.
Another remarkable feature is magnetic spiral arms that are characterized by
stronger magnetic fields with lower surface density than surrounding region near
the CR. The regions near the CR shows remarkably weak spiral shocks due to the
balance the gas rotation with the arm speed, while the magnetic field lines are very
dense and increase the field strength continuously. These magnetic arms can be
found in several spiral and/or barred-spiral galaxies like M83, NGC 6946, IC 342.
Note that these magnetic arms are prominent just inside the CR, because the field
lines are stretched near the CR due to velocity shears and moving inward with the
inflowing gas.
Self-gravity of the gas does not affect on the morphological changes of the gaseous
structures significantly. Since Toomre stability parameter, QT = κcs/(πGΣ), of our
models is larger than unity all the region of initial disk and we consider the finite
disc thickness with H = 200 pc, gravitational instability and/or magneto-Jeans in-
stability (MJI) are limited to remarkably manifest themselves. Local modeling by
Kim & Ostriker (2002) showed that self-gravity and magnetic fields cause rapid
growth of sheared substructures, such as spurs and/or wiggles, in spiral arms. Using
global MHD models, Shetty & Ostriker (2006) also found that models with realistic
Toomre QT -values and galactic differential rotation show appearance of filamentary
structures emerging form the main spiral arms, although arm spurs are required a
sufficiently strong spiral potential. Moreover, they pointed out that the magnetic
fields suppress the wiggle instability and MHD instability via self-gravity has an
important role to the formation of gas clumps. In their local and global models, only
the region where initial QT has the value of ∼ 1 grows spurs by the MJI, while other
regions remain intrinsically stable. We note that the wiggle instability cause the
growing of filamentary structures in both the unmagnetized and magnetized cases
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Figure 4.3 Radial profiles of Toomre stability parameterQT for (solid) cs = 10 km s
−1
and (dashed) cs = 5 km s
−1.
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with self-gravity. We have investigated the role of MJI in producing spurs and/or
wiggles, by running additional models with cs = 5 km s
−1 and Ωp = 20 km s
−1 kpc−1
(not listed in Table 4.1) which have QT ≈ 1 near the CR. The Toomre stability pa-
rameter QT , varying with radial direction of initial gaseous disk, is plotted in Figure
4.3. Even though strong magnetic fields with strong self-gravity develop filamentary
structures by both the wiggle and magneto-Jeans instabilities, we confirmed that
the wiggles in our MHD models are created by the wiggle instability rather than
the MJI. These suggested that the extremely strong magnetic fields suppress the
growth of wiggles, but self-gravity complement the weakening of forming wiggles by
increasing the strength of the spiral shocks. In Section 4.5.2, we will presented their
physical characteristics in detail.
4.3.2 Physical Properties of Spiral Shocks
Before considering the effects of magnetic fields on spiral structures, we remind the
physical conditions for the extent of spiral shocks. As already discussed in Section
2.3.2 of Chapter 2, the spiral shock extension depends sensitively on the pattern
speed and strength of the given stellar spiral arms. Quasi-steady spiral shocks can
be formed when the gas not only have sufficient time to adjust the variation of the
perturbing potential, but also its velocity exceed the local sound speed relative to the
spiral potential. To delineate the location of spiral shocks, we need to measure the
strength of the magnetized and unmagnetized spiral shocks. To do this, we change







for magnetosonic waves where vA and h are the Alfvén speed and grid spacing,
respectively. Based on the previous work in Chapter 2, we also consider the condition
of αms ≥ 0.5 for the presence of spiral shocks. Note that αms for strong magnetized
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spiral shocks has relatively smaller value than that of the unmagnetized counterpart
with fixed v and h.
Figure 4.4 plots the radial variations of the peak compression factor αms,peak of
the incident flows relative to the arms for self-gravitating models with different β
and Ωp averaged over t = 0.3− 0.4 Gyr when the filamentary features do not much
grow. The CR of the arm pattern of the F, I, and S models are depicted as the
vertical dotted lines. In the unmagnetized models, the termination radii of spiral
shocks are Rterm = 16.8 and 27.4 kpc for the F and I models, respectively, while
the quasi-steady spiral shocks reach all the outer boundaries in the S models. This
means that the condition for the formation of quasi-steady spiral shocks from the
results with exponential disk is not much different to Equation (2.8) in Chapter 2
which is derived from the models with uniformly distributed gaseous disk. On the
other hand, in the magnetized models, they extend up to Rterm = 16.3 and 26.9 kpc
when β = 10, Rterm = 15.3 and 25.1 kpc when β = 3, and Rterm = 10.2 and 19.2 kpc
when β = 1 for F and I models, respectively, while all the S models show the spiral
shock extend up to the outer boundaries. Therefore, the modified condition for the






<∼ 30 · (1 + 1/β)−1/2 , (4.10)






1 + 1/β is arm-to-arm crossing time of the
magnetosonic wave, tarm = π/|Ω−Ωp| is the passage time of the spiral potential at




A is the perpendicular Mach
number of the incident flows relative to the arms. For the unmagnetized case with
F = 10%, this is well consistent with the condition for the shock extent in Chapter
2 that gas with too large velocity relative to the arms cannot produce a steady-state
shocks, regardless of the initial density distribution of the gas disk. Note that the
termination radii of the spiral shocks become smaller with decreasing β, because
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Figure 4.4 Radial dependence of the peak compression factor αms,peak with β =
∞, 10, 3 and 1 for (a) F, (b) I, and (c) S models averaged over t = 0.3 − 0.4 Gyr.
The vertical dotted line represents the CR of the arms in each model.
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more strongly magnetized arms have larger Alfvèn speed, resulting in the shock
compression factor smaller.
As Figure 4.1 shows, the spiral shocks in both unmagnetized and magnetized
models have approximately logarithmic shapes over a wide range of radii and their
pitch angles depends sensitively on Ωp and β. Already discussed in Chapter 2, the
shock positions relative to the potential minima depend on the shock strength as well
as perpendicular Mach number M⊥ of incident flows to the shocks. As the radial
dependence of M⊥ makes the pitch angle of gaseous arms pgas smaller than p∗, the
offsets of the pitch angles between stellar and gaseous arms, ∆p ≡ pgas−p∗, increase
as larger Ωp and smaller β which lead to diminish the shock strength. Figure 4.5
shows the offsets of the pitch angles with respect to the peak density of spiral shocks
Σpeak for various models with differing β and Ωp. Since larger Ωp makes spiral shocks
form closer to the potential minima, ∆p tends to have smaller values with larger Ωp.
In the magnetized models, especially, ∆p has relatively smaller values than that of
the unmagnetized models. This is because smaller β corresponds to smaller Σpeak
due to the strong magnetic pressure force and brings on larger ∆p.
4.3.3 Mass Drift Rates
Clearly magnetic fields reduce the arm-peak density across the shock front substan-
tially (Kim & Ostriker 2002; Lee & Shu 2012), which is expected to reduce the
mass drift rate by arms. In contrast, magnetic tension forces from bent field lines
near the arms will enhance the mass drift rate, so that it is unclear if magnetized
galaxies would have smaller or larger mass inflow rates than in the unmagnetized
counterpart. In order to understand the effects of magnetic fields on the gas drift, we
calculate temporal variation of the total gas mass, measure the radial distributions
of the mass drift rate, Ṁtot ≡ −dM(< R)/dt, and plot them in Figure 4.6. All the
values are averaged over t = 0.2− 0.6 Gyr. Note that Ṁtot has negative and positive
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Figure 4.5 Discrepancy of the pitch angles between the stellar and gaseous arms as a
function of the maximum shock density Σpeak for all magnetized and unmagnetized
models with self-gravity. All the values are averaged over t = 0.2−0.6 Gyr within the
CR. The standard deviations in ∆p and Σpeak are marked as vertical and horizontal
error bars.
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values for gas inflows and for gas outflows, respectively.
Conventional wisdom of the angular momentum transport between gas and stars
by the non-axisymmetric spiral potential and induced spiral shocks is that gas loses
or gains their angular momentum and causes to move radially inward or outward,
depending on the sign of Ω−Ωp which has (−) inside the CR and (+) outside the CR.
All the models shows mass inflows inside the CR and mass outflows outside the CR,
as expected from the common sense. We present the spatially averaged values of Ṁtot
over RILR
<∼ R <∼ RCR and RCR <∼ R <∼ Rterm at columns (2) and (3) of Table 4.2,
respectively. In our magnetized models with self-gravity, total mass drift rates inside
the CR typically have ∼ −(1.1−1.4) M yr−1, ∼ −(1.4−1.7) M yr−1, and ∼ −(1.5−
2.1) M yr
−1 for models with β = 10, 3, and 1, respectively. On the other hand, the
mass outflow rates outside the CR show ∼ (2.5−4.4) M yr−1, ∼ (2.4−3.9) M yr−1,
and ∼ (1.9− 3.1) M yr−1 for models with β = 10, 3, and 1, respectively. Note that
stronger magnetic fields corresponds to increase the additional mass inflows due to
the magnetic stress.
Similar to Section 2.4 in Chapter 2, we also measure the mass drift rates by
(1) dissipation of angular momentum at spiral shocks, Ṁshock, (2) torque by the
external spiral potential, Ṁext, and (3) torque by the self-gravitational potential,
Ṁself . Combination of these three processes causes the radial drift of the gas in disk
galaxies. The reader is referred to Section 2.4 in Chapter 2 for a detailed description
of these processes and can be found at Equations (2.10)-(2.12) as well. Figure 4.7
plots the radial dependences of Ṁshock, Ṁext, and Ṁself from self-gravitating I models
for differing β. The averaged values for Ṁshock, Ṁext, and Ṁself overRILR
<∼ R <∼ RCR
and RCR
<∼ R <∼ Rterm for all models are listed in Table 4.2. As explained in Chapter
2, all the values, except Ṁself , is roughly negative in most of the region inside the
CR and positive outside the CR. Note that larger density locates at the side with
∂Φgas/∂φ < 0 and the corresponding self-gravitational torque, Ṁself , has always
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Figure 4.6 The mass drift rate Ṁtot averaged over t = 0.2 − 0.6 Gyr for differing β
and Ωp. From top to bottom, the pattern speed of spiral potential decreases. The
short vertical bar and dotted line in each panel represent the standard deviation of
Ṁtot and the location of CR, respectively.
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negative values over all the simulation domains.
In order to see the difference comes from the initial distribution of the gaseous
disk and the presence of magnetic fields on the mass drift rates, we compare spatially
averaged values over listed in Table 4.2 with those of Chapter 2 for F = 10%. In the
S models, Ṁtot is significantly larger than that in the F and I counterparts, owing
to larger RCR and stronger shock, which is consistent with the results of Chapter 2.
All unmagnetized models in this work show that mass inflow rates of exponentially-
distributed disk models inside the CR slightly increase with respect to those of
uniformly-distributed disk models. On the other hand, gas outflows outside the CR
calculated from this work have somewhat lower values than those in the models
with uniform gaseous disk in Chapter 2. The models in Chapter 2 have constant
surface density of Σ = 10 M pc
−2, while our models with exponential gaseous disk
have identical value to it of uniform disk at R = 8.5 kpc which locates near CR of
the I models. Inside (outside) this radius, the spiral shocks are relatively stronger
(weaker) than those of uniform disk models, and thus this causes the mass drift
rates by shock dissipations larger (smaller). Note that mass drift rates of our F and
S models show smaller and larger values than those of uniform disk counterparts
inside and outside R ∼ 10 kpc due to the contribution of Ṁshock on the total gas
drift rates, respectively.
Introducing the presence of the magnetic fields on the gas disk provides weaker
spiral shocks which would decrease the mass drift rate, while the bent fields by
curved spiral shocks would be possible to increase it. In order to understand which
one plays a crucial role on the angular momentum transport, we compare its rates
of magnetized models with those of unmagnetized models, as listed in Table 4.2. As
β is smaller in all models, mass inflows inside the CR increase, while mass outflows
outside the CR become smaller. Inside the CR, magnetic fields are stretched by the
spiral arm, making elongated shape along the spiral shocks and producing strong
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Figure 4.7 Radial distributions of mass drift rates by (a) shock dissipation, (b)
torque by the external potential, and (c) self-gravitational torque for self-gravitating
I models. Colored curves represent different cases for β = ∞, 10, 3, and 1. All the
values are averaged over t = 0.2− 0.6 Gyr.
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Table 4.2. Mass Drift Rates Associated with Spiral Arms
Model 〈Ṁtot〉in 〈Ṁtot〉out 〈Ṁshock〉in 〈Ṁshock〉out 〈Ṁext〉in 〈Ṁext〉out 〈Ṁself〉in 〈Ṁself〉out
(1) (2) (3) (4) (5) (6) (7) (8) (9)
M01FG −1.542 1.913 −0.801 1.148 −0.586 0.880 −0.154 −0.115
M03FG −1.362 2.365 −0.695 1.443 −0.504 1.112 −0.163 −0.189
M10FG −1.127 2.521 −0.550 1.563 −0.406 1.210 −0.171 −0.252
HFG −0.942 3.212 −0.428 1.959 −0.320 1.510 −0.184 −0.257
M01IG −1.903 2.160 −0.875 1.555 −0.691 1.346 −0.337 −0.741
M03IG −1.552 2.746 −0.698 1.950 −0.548 1.683 −0.306 −0.887
M10IG −1.186 2.919 −0.528 2.083 −0.425 1.740 −0.233 −0.904
HIG −1.058 3.413 −0.487 2.355 −0.384 2.024 −0.187 −0.966
M01SG −2.120 3.108 −0.933 2.176 −0.721 1.865 −0.466 −0.932
M03SG −1.699 3.854 −0.765 2.620 −0.595 2.235 −0.340 −1.002
M10SG −1.411 4.417 −0.635 3.136 −0.494 2.694 −0.282 −1.413
HSG −1.158 4.899 −0.498 3.390 −0.382 2.950 −0.278 −1.442
M01FN −1.485 1.604 −1.069 0.738 −0.416 0.866 0.0 0.0
M03FN −1.334 2.127 −0.974 1.000 −0.360 1.127 0.0 0.0
M10FN −1.057 2.310 −0.793 1.109 −0.264 1.201 0.0 0.0
HFN −0.825 3.104 −0.602 1.459 −0.223 1.645 0.0 0.0
M01IN −1.852 2.014 −1.259 0.886 −0.593 1.128 0.0 0.0
M03IN −1.491 2.522 −1.029 1.185 −0.462 1.337 0.0 0.0
M10IN −1.033 2.785 −0.692 1.253 −0.341 1.532 0.0 0.0
HIN −0.975 3.101 −0.663 1.426 −0.312 1.675 0.0 0.0
M01SN −1.918 2.804 −1.362 1.262 −0.556 1.542 0.0 0.0
M03SN −1.610 3.412 −1.127 1.570 −0.483 1.842 0.0 0.0
M10SN −1.327 4.173 −0.942 1.794 −0.385 2.379 0.0 0.0
HSN −1.073 4.654 −0.740 2.187 −0.333 2.467 0.0 0.0
Note. — All values are averaged over 0.2 Gyr ≤ t ≤ 0.8 Gyr and in units of M yr−1.
Columns (2), (4), (6), and (8) are the mass drift rates averaged over RILR
<∼ R <∼ RCR,
while Columns (3), (5), (7), and (9) are the values averaged over RCR
<∼ R <∼ Rterm.
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magnetic tension force. Even though, the shock strength is slightly smaller than
that of unmagnetized counterparts, the torque from the tension force overwhelms
the other torque, and mass inflows is growing rather than declining. On the contrast,
outside the CR, the magnetic fields strength is relatively smaller than those inside
the CR due to less surface density and weaker shock, preventing to grow magnetic
tension force larger. Mass outflows, therefore, are sensitive to the arm-peak density
and decrease as stronger magnetic fields on gas disk. Note that the contributions of
spiral shocks, the external gravitational torque, and the self-gravitational torque on
the angular momentum loss of the gas are about 45, 35, and 20 percent of the total,
on average, respectively, which is roughly insensitive to β and Ωp.
Since self-gravity for uniform disk in Chapter 2 becomes relatively more signif-
icant at larger radius, the self-gravitational torque overwhelms the other torques
outside the CR. However, in our present models, the regions near the CR of all
models are most important for the self-gravity as shown in Figure 4.3. Especially
near the CR, as both inner and outer spiral shocks are quite small, the dissipa-
tion of angular momentum at spiral shocks are insignificant on the mass drift rates.
Therefore, the contribution of the self-gravity to Ṁ becomes important near the CR
compared to other regions farther away from the CR.
4.4 Effects of Magnetic Fields on Structure Formation
In this section, we first describe the formation of the magnetic arms which have
strong magnetic fields but low surface density near the CR. We then present the
morphological changes of wiggles by the effects of magnetic fields and the evolution
of magnetic substructures which appear on the strongly magnetized models.
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Figure 4.8 Logarithms of (top) gas surface density and (middle) magnetic field
strength of Model M01IG in the R − φ plane. The horizontal dashed and dotted
lines depict the CR and R = 8 kpc, respectively. The azimuthal cut profiles of Σ
(dashed) and B (solid) at R = 8 kpc where the B-field roughly has peak value are
plotted in bottom panel. The black arrows in middle panel and the blue arrows in
bottom panel indicate the resonance features at the 4/1 resonance bifurcated from
the main arms and the magnetic arms, respectively.
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4.4.1 Magnetic Arms
In general, the spiral shocks do not form in the CR region whereM⊥ = 0. However,
spiral shocks are not totally absent near the CR and split into two shocks emerged
from the inside and outside the CR, although its strength is fairly weak. Since the
magnetic field lines follow fluid motions well, the B−field strength is strong at the
spiral shocks, while it is quite weak near the CR at early time of simulations. As
time goes on, the induced spiral shocks generate radial gas motions which create
the radial component from the azimuthal component of the initial magnetic fields.
Magnetic fields are then stretched by background shear, causing additional radial
component from the newly generated azimuthal one. In other words, the distorted
filed lines transport angular momentum by magnetic stress, making gas and newly
generated field lines inside (outside) the CR to move radially inward (outward).
However, at the resonance radii, the resonance features such as “branches”, which
refer to trailing structures bifurcating from the main arms (Chakrabarti et al. 2003;
Patsis et al. 1994, 1997; Yáñez et al. 2008; Kim & Kim 2014), are appeared and the
field lines do not across the resonance radii due to these bifurcating features. As a
result, the B−field lines are continuously piled up just behind shock fronts and their
strength gradually increases in between 4/1 resonance and outer Lindblad resonance
(OLR). The associated strong magnetic pressure excludes the gas accumulation and
makes the gap between the inner and outer shocks larger at this region. It finally
forms “magnetic arms” which have stronger magnetic field with less density than
the surrounding regions. In order to see this features more clearly, we present Figure
4.8 which shows the distributions of gas surface density and magnetic field strength
of Model M01IG in the R − φ plane at t = 0.4 Gyr, as well as the azimuthal cut
profiles of Σ and β at R = 8 kpc. It is apparent that the magnetic arms are formed
between the spiral shocks near the CR and logarithmic in shape with a similar pitch
angle to that of the gaseous spiral shocks. Moreover, the magnetic arms are located
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in between the 4/1 resonance (R = 6.5 kpc) and the OLR (R = 17 kpc) which is
insensitive to the arm strength and β. Note that the peak B-field strength occurs at
the location of R ≈ 8 kpc, not the CR. This is because the distorted fields near the
CR transport the angular momentum from inside to outside due to the magnetic
stress, as explained before.
The magnetic arms also lead to spiral shocks more wound due to the associated
magnetic pressure force compared with those in the unmagnetized counterparts. As
smaller β corresponds to stronger magnetic arms, the offsets between the pitch angles
of the stellar and gaseous arms increases as changing β from ∞ to 1, consistent to
the results in Section 4.3.2. This suggests that the pitch angle of the gaseous arms
is determined by the shocks strength depending on F and Ωp of the spiral potential,
as well as the strength of magnetic arms depending on β of the initial gas disk.
4.4.2 Wiggles
Figure 4.1 illustrates that gaseous arms are very clumpy, with small clumps protrud-
ing from spiral shocks perpendicularly, especially in the models with relatively large
β and Ωp (see also Fig. 2.2 in Chapter 2). According to the assertions of Kim et
al. (2014) and Chapter 3 under the local shearing-box approximation, these clumps
are originated from the vorticity generation at the distorted shock front and rapidly
grow in the models with large F and β, corresponds to strong shock density. To
clearly see the effect of magnetic fields, we plot Figure 4.9 which compares snap-
shots at t = 0.6 Gyr of models with differing Ωp and β. Ωp decrease from left to right,
while β becomes smaller moving from up to bottom. It is apparent that wiggles are
suppressed in magnetized case, by reducing the shock density, as founded in Chap-
ter 3. The wiggle instability also becomes weaker in models with a lower pattern
speed due to considerably strong numerical viscosity, because of large gas velocities
relative to the spiral potential (e.g. Kim et al. 2008). Note that the wiggles firstly
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Figure 4.9 Logarithm of gas surface density for all the self-gravitating models at
t = 0.6 Gyr. Dashed circles represents the CR of the spiral pattern for each model.
Color bar labels log(Σ/Σc).
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Table 4.3. The wiggle spacings in our self-gravitating models
Model lw [ kpc] Model lw [ kpc] Model lw [ kpc]
M01FG 3.06± 1.11 M01IG 2.82± 1.04 M01SG 2.52± 0.89
M03FG 2.14± 0.92 M03IG 1.85± 0.76 M03SG 1.64± 0.63
M10FG 1.53± 0.56 M10IG 1.32± 0.57 M10SG 1.13± 0.43
HFG 1.21± 0.42 HIG 0.98± 0.36 HSG 0.75± 0.32
Note. — lw is averaged over RILR < R < ROLR and t = 0.3− 0.6 Gyr.
develop in the regions well away from the CR and move inward (outward) along
the spiral shocks inside (outside) the CR as shown in Figure 4.1. This is because
its growth rates depends sensitively on the relative speed of the ambient gas to the
spiral potential which increases farther away from the CR, and the background shear
and angular momentum transport of the gas causes movements of the wiggles along
the spiral shocks.
We also measured the spacing of the wiggles for all self-gravitating models. Table
4.3 gives them spatially averaged over RILR < R < ROLR and time averaged over
t = 0.3 − 0.6 Gyr. For the fiducial models with Ωp = 20 km s−1 kpc−1, the wiggle
spacings are 0.98, 1.32, 1.85, and 2.82 kpc for β =∞, 10, 3, and 1, respectively. The
measured ratios relative to the arm-to-arm separation have therefore in the range of
λw/L ≈ 0.1− 0.5 for β = 1. Note that the spacing of the wiggles are larger in more
strongly magnetized models, identical to the findings in Chapter 3.
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Figure 4.10 Evolution of magnetic field configurations for strongly magnetized
models with β = 1 and Ωp = 20 km s
−1 kpc−1 in the rectangular section with
4 ≤ x ≤ 16 kpc and −6 ≤ y ≤ 0 kpc at t = 0.3, 0.4, 0.5, and 0.6 Gyr. The shaded and
unshaded regions represent the domains with positive and negative Bφ, respectively.
Note that magnetic reconnection appears at t ∼ 0.6 Gyr in a thin current sheet near
x ∼ 8 kpc through a tearing-mode instability and plays an important role to develop
magnetic islands.
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4.4.3 Magnetic Islands
Figure 4.10 shows evolution of magnetic field configuration for Model M01IG in
rectangular regions shown with 4 ≤ x ≤ 16 kpc and −6 ≤ y ≤ 0 kpc. The mag-
netic arms keep growing in strength as the accumulation of the B-fields near the
CR continues. At early time, the sheared magnetic fields with negative Bφ at the
left side are pushed toward the magnetic arms due to the gaseous pressure force.
However, they squeezes the magnetic fields of opposite polarity between them and
magnetic arms, making a very narrow current sheet at x ∼ 8 kpc. With non-zero
numerical resistivity, the reconnection of B-fields appears in this thin layer via con-
ventional tearing-mode instability, and finally produces numerous magnetic islands
along the side of magnetic arms (see also Kim & Stone 2012). Unlike the magnetic
arms, magnetic islands are sites of strong magnetic fields as well as large density
compression. The appearance of magnetic islands seems to be quite different to that
of the wiggles. Note that magnetic islands have circular shapes and develop well in
strongly magnetized cases with weaker spiral pattern, while the wiggles are trailing
features stretched from the spiral arms and tend to be stabilized as the strength of
B-field becomes larger.
4.5 Summary and Discussion
4.5.1 Summary
We have presented the results of high-resolution MHD simulations using the Athena
code to study the effects of magnetic fields on spiral structures and radial gas drift in
spiral galaxies. This work directly extends Kim & Kim (2014) (Chapter 2), in which
we explored the unmagnetized cases with uniformly distributed gas disk using the
CMHOG code. In this work, we assume that the disk is infinitesimally thin, self-
gravitating, magnetized, isothermal with the sound speed of cs = 10 km s
−1, and
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initially exponentially-distributed, closely mimicking the observed values of normal
disk galaxies. The magnetic fields are initially distributed purely azimuthal and its
strength is parameterized as the dimensionless plasma parameter β. We consider
a rigidly rotating logarithmic spiral potential with pitch angle p∗ = 20
◦, strength
F = 10%, and pattern speed Ωp. To investigate the dependence of the morphological
and dynamical evolution of the gas on β and Ωp, we vary β between ∞ (pure HD
model) and 1 (strongly magnetized model), and consider three types of models with
Ωp = 10, 20, and 30 km s
−1 kpc−1, which are referred to as the F, I, and S models,
respectively. The main results of the current work can be summarized as follows:
(1) Spiral shock structures. The peak compression factor αms,peak depends rather
sensitively on β and Ωp, causing the variations of the radial shock extent. In our
unmagnetized models, the termination radius of the spiral shocks are almost similar
to those of the models with F = 10% in Chapter 2, even though changing the radial
profile of the gas disk from uniform to exponential. In magnetized models, however,
the dimension compression factor is proportion to ∼ (1 + 1/β)−1/2 relative to the
that of unmagnetized case by considering Alfvèn speed, and thus the termination
radius of spiral shocks becomes smaller as magnetic field strength increases. As
discussed in Chapter 2, stronger spiral shocks in a quasi-steady state locate at farther
downstream relative to the potential minima, causing systematic changes ofM⊥ and
finally making the offset between the pitch angles of the gaseous arms pgas and stellar
arms p∗. In our magnetized models, this offset have values in the range of ∼ 3− 11◦
and is larger for smaller β and larger Ω, due to smaller shock density and larger
radial variations of M⊥, respectively.
(2) Effects of magnetic fields on mass drift. The non-axisymmetric spiral po-
tential and the associated shocks cause the angular momentum transport of the
gas, resulting in radial mass drift. In Chapter 2, we already showed that this radial
mass drift is caused by a combination of three processes: dissipation of the spi-
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ral shocks, torque by external gravitational potential, and self-gravitational torque.
From our numerical results, their contributions to the total drift rate are about
45%, 35%, and 20% from the shock dissipations, external gravitational torque, and
self-gravitational torque, respectively. The trend for the direction of the mass drift,
which is radially inward inside the CR and outward outside the CR, still subsist for
the magnetized models. The measured mass drift rate depends highly on the initial
magnetic field strength and is in the range 〈Ṁtot〉in ∼ −(1.0 − 2.0) M yr−1 and
〈Ṁtot〉out ∼ 2.0 − 5.0 M yr−1, with larger value corresponding to larger β and/or
slower arm pattern speed. This is because the angular momentum gain by the bent
fields is quite large, although the angular momentum loss at spiral shocks decreases
as decreasing β which makes the shock density smaller.
(3) Magnetic arms. As spiral shocks are not totally absent at the CR due to
epicycle motions of perturbed gas, they are divided into two different shocks orig-
inated from inner and outer regions of the CR. Stretching B-fields by the spiral
potential and background shear along the moving gas is accumulated the bounded
regions between inner and outer shocks in the azimuthal direction and between the
4/1 resonance and OLR in radial direction. The amplified fields move slightly inward
due to the angular momentum transport by the distorted field lines, and the gas is
experienced by strong magnetic stress. As a result, it eventually forms magnetic
arms with stronger field but lower surface density than the surrounding regions.
(4) Wiggles and magnetic substructures. When spiral shocks are strong enough,
the wiggle instability develops the interarm features to spread from the spiral arms,
as shown in Wada & Koda (2004) and Kim et al. (2014). By considering magnetic
fields under the global regime, we find that magnetic fields alleviate the strength
of the spiral shocks, suppress the growth of the wiggles, and increase the spacing
of them. This is well matched with the results in Chapter 3, which assumes the
local shearing-box approximations. In strongly magnetized cases, magnetic fields
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are compressed into a thin layer between the gaseous and magnetic arms, due to
its opposite polarity. With non-zero numerical resistivity, the magnetic reconnection
starts to appear in this layer by a tearing-mode instability, and develops myriad
magnetic islands with larger density, moving farther away from the CR along the
side of spiral shocks.
4.5.2 Discussion
Angular momentum transport by spiral arms helps not only to enhance the mass
and change the morphological features in the central region, but also to increase
the star formation occurring in spiral arms and nuclear regions. Seo & Kim (2014)
already numerically found that mass inflows by spiral arms make star formation in
nuclear rings increase and episodically occur in barred spiral galaxies. However, in
real galaxies, there are numerous physical mechanisms including magnetic fields that
may play a significant role on gas dynamics. Among them, our numerical results
considering the magnetic fields have an important meaning in understanding the
mass drift by spiral arms in disk galaxies. In Chapter 2, the HD models showed that
the peak-shock density decreases dramatically for smaller F and thus the induced
gas inflowing becomes smaller. On the other hand, in magnetized models, the mass
drift rates do not show bigger drops for smaller β, even though the shock density is
greatly declined as B-field strength increases due to the magnetic pressure force. The
physical reason may be obtained another role of magnetic fields, which is magnetic
tension force. Since spiral shocks are curved by galactic shear and form in logarithmic
shapes, the ordered magnetic fields are distributed along spiral patterns in almost
every galaxy (Beck et al. 2005) and the magnetic tension force also increases. This
tension force act as restoring force to the mass inflow rates, maintaining the mass
drift rates in some degree.
Previous local studies suggested that the interarm features protruding from main
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spiral arms have various origins, such as the wiggle instability (Kim et al. 2014;
Chapter 3), magneto-Jeans instability (Kim & Ostriker 2002, 2006), and feathering
instability (Lee & Shu 2012; Lee 2014). These three instabilities are very similar,
but for different regimes. One in common of these instabilities is that the instability
are weaken for stronger B-field. Especially, the wiggle instability in Chapter 3 and
this work shows that the spacing between the wiggles tends to increase in strongly
magnetized cases both in local and global regimes, and this is well consistent with
the observed separation of λmax/L ∼ 0.1–1.0 depending on β and F (Elmegreen &
Elmegreen 1983; La Vigne et al. 2006). This may indicate that the wiggle instability
induced by accumulation of the potential vorticity is one of significant mechanism for
the cloud and spur formation in the spiral arms. In addition, this work has a signif-
icance for understanding another instability process occurring in magnetized spiral
shocks, by comparing with the feathering instability and magneto-Jeans instability.
In our galaxy models, the gas disk has QT > 2 in all the region and thus is grav-
itationally stable. Even though local QT becomes less than unity due to the strong
spiral shocks, the growth of the wiggle instability is faster than the cloud formation
by gravitational instability, and it is quite difficult to compare the results reported
by Shetty & Ostriker (2006) who showed the role of magneto-Jeans instability on the
spur formation. According to the local models of Kim & Ostriker (2002), they argued
that both magnetic fields and self-gravity are essential to form interarm features in
the nonlinear stage, and Shetty & Ostriker (2006) reconfirm it by using global mod-
els. The main discrepancy in the model parameters between our and their models is
the Toomre stability parameter QT of initial gas disk. To explore the effect of QT
and investigate the possibility of magneto-Jeans instability on the formation of the
interarm features, we have run additional models with cs = 5 km s
−1 (see Figure
4.3).1
1Models in Kim & Ostriker (2002) and Shetty & Ostriker (2006) considered uniform QT , and
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Figure 4.11 Snapshots of (a) the unmagnetized model and (b) magnetized model
without self-gravity at t = 0.2, 0.3, 0.4 and 0.5 Gyr, while (c) is self-gravitating
and magnetized counterpart of (b). All the models assume cs = 5 km s
−1, making
QT ≈ 1 near the CR as shown in Figure 4.3. Color scale is in units of log(Σ/Σc).
Magnetic Fields in Spiral Galaxies 143
Figure 4.11 plots the distributions of surface density with and/or without mag-
netic fields and self-gravity of the gas at t = 0.2− 0.5 Gyr. Left and middle column
are the non-self-gravitating models with β =∞ and β = 1, respectively, while right
column depicts the self-gravitating model with β = 1. In strongly magnetized models
without self-gravity (middle column), the wiggles do not easily manifest itself due
to its low growth rates. In general, the wiggles start to appear far away from the CR
and move inward (outward) outside (inside) the CR. Although we can find presence
of wiggles in the model with β = 1 and considering self-gravity (right column), it
also shows the large growth of knots near R ∼ 10 kpc where initial QT has nearly
unity. These knots, however, have quite similar characteristic with the wiggles, such
as their separation and appearance. According to the results of Kim & Ostriker
(2002) and Kim & Ostriker (2006), separation of gaseous spurs is ∼ (2− 3)λJ where
λJ is the Jeans wavelength. In our numerical models with cs = 5 km s
−1, however,
the averaged spacing of wiggles is 1.0± 0.4 kpc which is much larger than the Jeans
wavelength, λJ ≈ 50 ± 20 pc. Therefore, in our numerical setup, the substructures
appeared at the spiral shocks probably come from the WI, rather than MJI. Note
that it is not easy to distinguish between the products by the magnetized instabil-
ity via self-gravity and the WI. Moreover, even though feather-forming instabilities
are termed differently as the azimuthal instability, magneto-Jeans instability, and
feathering instability by Elmegreen (1994), Kim & Ostriker (2002), and Lee & Shu
(2012), respectively, they refer to the same gravitational instability of a rotating
medium in which embedded magnetic fields play a destabilizing role. Therefore, it
would be interesting to study the role of self-gravity on the wiggle instability in
broader parameter spaces, comparing with these feathering instability.
Observations of gas-rich spiral galaxies, M83, revealed that ordered (aniotropic)
they found that the model with QT = 1 and β = 1 show spur forming by the magneto-Jeans
instability.
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fields not only coincide with the optical spiral arms, but also locate in interarm
regions which makes two symmetric magnetic arms (Beck & Wielebinski 2013).
Especially, adopting the observed results of its arm pattern speed, Ωp = 45 ±
8 km s−1 kpc−1 (Zimmer et al. 2004; Lundgren et al. 2004), these magnetic arms
are surprisingly strongest at slightly inside the CR, R ∼ 3 kpc. It represents that
newly born fields settle at smaller R due to the angular momentum loss by the spiral
shocks and are accumulated somewhat inside the CR, consistent to the findings from
our numerical results. On the other hand, NGC 6946 has a regular distribution of
polarized emission with magnetic arms located only in interarm regions, showing no
signs of compression at the edge of the gas arms (Beck 2015). This totally separated
case between the gaseous arm and magnetic arm is unlikely to connect the origin of
the magnetic arms explained in this work. First of all, it is uncertain if the magnetic
arm in three dimensions forms similarly to that in two-dimensional geometry, as-
sumed in this work. More importantly, in the disk galaxies with strong spiral arms,
M51 and M83, most enhanced ordered magnetic fields are located at the edges of the
strong spiral shocks, while NGC 6946 with relatively weak spiral arms shows that
axisymmetic field component by a large-scale dynamo is stronger than anisotropic
fields generated by the spiral arms. As a result, NGC 6946 has strong magnetic
arms with orientations parallel to the adjacent the gaseous arms. It would be inter-
esting to study the effects of a large scale dynamo on generation and evolution of
the magnetic fields in disk galaxies, both qualitatively and quantitatively.
Chapter 5
Conclusions and Future Works
5.1 Conclusions
Grand-design spiral arms in disk galaxies play a crucial role in structural and dy-
namical evolution by forming various gaseous features and triggering star formation.
Galactic spiral shocks induced by stellar spiral arms depend inherently on the phys-
ical parameters of the stellar arms as well as the background state. In particular,
many observations and theoretical studies suggest that strengths and pattern speeds
of spiral arms may significantly affect the evolution of the gas, occurring various in-
stabilities due to gas self-gravity and magnetic fields. No numerical study, however,
has yet properly addressed the effects of the spiral arms and magnetic fields on the
substructures in terms of spiral shocks, explicitly. In particular, previous studies
have lacked a discussion about the interplay between stellar arms and gaseous arms
in disk galaxies, as well as effects of magnetic fields on the interarm features, such
as wiggles and/or spurs.
In this thesis, we have explored the evolution of large-scale structures induced
by stellar spiral potential, including the cloud-forming instabilities. Our primary
purpose was to clarify the susceptibility of the gas to physical properties of spiral
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arms and magnetic fields widely dispersed in the interstellar medium, quantitatively.
In order to do this, we have conducted three sets of numerical simulations with or
without magnetic fields and self-gravity of the gas under local and global geometry.
For studying the instability process, we also have performed a linear stability analysis
and compared its results with those of nonlinear numerical simulations.
The main results of thesis are summarized as follows:
1. The imposed spiral potential strongly perturbs gas orbits that would otherwise
remain circular, producing large-scale spiral shocks. The shocked gas loses (gains) its
angular momentum inside (outside) the corotation radius (CR) where the angular
velocity of the gas is equal to the pattern speed Ωp of spiral arms, and gradually
moves inward (outward). When overall gas flows reach a quasi-steady state, the
radial extent and pitch angle of spiral shocks depend rather sensitively on Ωp. To
produce quasi-steady spiral shocks, the gas has to not only move faster than the
local sound speed relative to the perturbing potential, but also have sufficient time
to respond to one arm before encountering the next arm. Based on our numerical
results, we provide a simple expression for the existence of quasi-steady spiral shocks,
which appears consistent with the finding of Baker & Barker (1974). In addition,
by considering the magnetic fields which are initially azimuthally distributed, we
also find that the condition for existence of them is not much changed, which is
multiplying ∼ (1 + 1/β)−1/2 to that of unmagnetized counterparts.
2. As stronger arms tend to form shocks farther downstream from the potential
minima, the pitch angle pgas of gaseous arms is generally smaller than the pitch angle
p∗ of stellar arms due to the systematic changes ofM⊥ with R. Calculating the offset
∆p = p?−pgas as a function of the shock strength Σpeak/Σ0, it depends sensitively on
F , Ωp, and β. Since smaller Ωp gives a smaller radial variation ofM⊥ and larger F
and β make the shock strength stronger, the offset becomes correspondingly smaller.
3. As previously mentioned, the non-axisymmetric spiral potential and the as-
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sociated shocks cause the gas to lose or gain angular momentum, depending on the
location. Inside the CR, the gas inflows, while the gas moves outward outside the
CR. The mass drift rate is in the range ∼ −(0.5 − 3.0) M yr−1 inside the CR and
in the range ∼ 0.2 − 7.0 M yr−1 outside the CR, with larger absolute values for
stronger arms. In particular, the presence of magnetic fields make the mass inflows
(outflows) inside (outside) the CR large (small). Although magnetic fields reduces
the spiral shock strength due to its pressure force which is expected to reduce the
mass drift rate, magnetic tension force from bent field along the spiral arms has
greater influence on increasing of the mass drift rates. The gas drift is mainly caused
by three processes: (1) shock dissipation, (2) non-axisymmetric torque by the spiral
potential, and (3) non-axisymmetric torque by gaseous self-gravity. The relative con-
tributions of these three to total mass drift rates are estimated to be roughly 50%,
40%, and 10% for uniformly-distributed gas disk models, and 45%, 35%, and 20%
for exponentially-distributed gas disk models, respectively, regardless of Ωp, F , and
β. In the former case, this is because the gaseous self-gravity plays a significant role
in the region of larger R, and thus it is possible to underestimate its contribution in
the region for measuring mass drift rate.
4. It has been suggested that interarm features such as feathers arise from the
wiggle instability (WI) of spiral shocks, which is physical, originating from the ac-
cumulation of potential vorticity generated by deformed shock fronts. By including
magnetic fields, we elucidate the characteristics of the WI that unperturbed mag-
netic fields have a stabilizing role by preventing the generation of potential vorticity,
rather than perturbed fields. We also confirm that magnetic fields reduce the amount
of density compression at shocks, making the shock fronts to move toward the up-
stream direction, in both local shearing-sheet and global two-dimensional geome-
tries. In particular, the spacing of wiggles along the arm becomes longer for strongly
magnetized models, and that of typical models with β = 1 − 10 and F = 5% is
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consistent with observed feather spacings, while that of pure hydrodynamic models
is quite shorter. Moreover, the gaseous self-gravity strengthens the growth of the
WI by increasing the shock density and occurs another instability processes, such as
gravitational instability and magneto-Jeans instability. We suggest that the WI in
magnetized spiral shocks is likely responsible for interarm feathers, combined with
the gravitational instability in magnetized gas.
5. Most external galaxies show that magnetic fields based on polarized syn-
chrotron emission follow optical spiral arms quite well. Some exceptional galaxies
such as M83 and NGC 6946, however, have magnetic arms that show strong mag-
netic fields but less density. From our numerical simulations, we suggest that the
magnetic fields are accumulated in between two bounded shocks at the CR, making
lower density due to strong magnetic pressure and finally forming magnetic arms.
These two bounded shocks at the CR are originated from the inner and outer shocks
and they extend across the respective CR due to the epicyclic motions of perturbed
gas. As the resonance features, such as branches, and angular momentum transport
from inside to outside by the distorted fields lines, the magnetic arms are located
in between resonance radii and have their peak values at just inside the CR. This
is well consistent with the observed magnetic arms of M83. Nevertheless, additional
physical explanations for entirely segregated magnetic arms from the optical spiral
arms, observed in NGC 6946 and IC 342, are still required.
5.2 Future Works
So far we have explored the nonlinear evolution of the gas induced by galactic spi-
ral shocks in disk galaxies. We conducted local and global two-dimensional MHD
simulations with and/or without self-gravity included, as well as a linear stabil-
ity analysis for understanding the formation of gaseous substructures. However, it
still remains to progress several important processes that were not considered in
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this thesis but have potential to significantly affect the dynamical evolution of the
gas. These physical processes include star formation, star-gas interaction, and spiral
arms in three-dimensional disks. In order to understand these effects on the gaseous
features, we plan to study these processes for our immediate future research.
1. Stability of spiral shocks in stratified, self-gravitating disks. In our previous
studies of the WI, we have successfully shown that the WI grows very rapidly in
an infinitesimally-thin disk with magnetic fields. However, in real spiral galaxies,
it is unclear whether the WI would play an important role in disks that are mag-
netized, self-gravitating and vertically stratified. The non-steady flapping motions
perpendicular to the arms and the strong vertical shear present in three-dimensional
shocks appear to disrupt vortical structures, preventing the growth of the WI (Kim
& Ostriker 2006). Recently, Lee & Shu (2012) conducted a linear stability analysis of
feathering instability and showed that self-gravity may be essential for the formation
of interarm feathers, even though they ignored the galactic shear. In addition, the
spacing of the observed feathers and gas clouds in the arms of M51 is ∼ 0.5− 2 kpc
(Elmegreen & Elmegreen 1983; La Vigne et al. 2006; Schinnerer et al. 2013), in
rough agreement with the Jeans length of the most unstable mode (Elmegreen 1994;
Kim & Ostriker 2002). Thus, an inclusion of self-gravity and vertical stratification
in the disks is a necessary step to understand the nature of substructure forma-
tion in real spiral galaxies. In addition, including magnetic field and self-gravity in
three-dimensional geometry, it is expected to make disks unstable to both Parker
and magneto-Jeans instabilities, improving our understandings of various instabil-
ities occurring in spiral shocks as well as their physical relationship with observed
gaseous substructures.
2. Spiral arms with star formation and its feedback. While this thesis consider
razor-thin or local disks, we miss a physical process of great importance in the evo-
lution of disk galaxies: star formation and feedback. In particular, stellar feedback
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plays a key role in regulating the star formation, resulting in simultaneous energy and
force balances in the ISM (see Maciejewski (2004); McKee & Ostriker (2007), and ref-
erences therein). In observations, the star formation rate (SFR) correlates well with
the gas surface density over sufficiently large scale (Schmidt 1959; Kennicutt 1989,
1998) as well as the stellar density in the outer-disk regions (Blitz & Rosolowsky
2004, 2006). Simulations with feedback have produced various relationships between
the SFR and the gas surface density, depending on the specific feedback prescription
(e.g., Tasker & Bryan 2006, 2008; Robertson & Kravtsov 2008; Shetty & Ostriker
2008; Koyama & Ostriker 2009; Dobbs et al. 2011; Hopkins & Quataert 2011). Re-
cently, Kim et al. (2011, 2013) conducted local simulations of disks with radiative
cooling and heating, verifying the self-regulated star formation theory of Ostriker et
al. (2010). However, these models considered unmagnetized, featureless disks, while
real spiral galaxies have spiral arms and magnetic fields which have profound influ-
ence on gas dynamics and star formation in disk galaxies. Therefore, it is important
step to conduct three-dimensional simulations that include all necessary ingredients
of disk galaxies: radiative cooling/heating, rotational shear, self-gravity, magnetic
fields, and spiral arms. This will gives us to (1) discern whether spiral arms enhance
galactic star formation or just organize it, and (2) study the effects of magnetic fields
on the SFR.
3. Nonlinear evolution of the combined system with the stars and gas. From
a long-term point of view, we also plan to improve this thesis including the live
stellar components in order to explore the correlation between stars and gas directly.
Previous studies have concentrated mostly on the gaseous and stellar component
independently. Although Lubow et al. (1986) investigated the back reaction of stars
to the gravitational fields of gas, they had a few limitations in their models, such as
considering local geometry and ignoring the self-gravitational force of the gas. Since
this plan requires not only MHD but also a N -body module, we plan to expand
Conclusions and Future Works 151
our galaxy model by using an N-body method. By carrying out this research, we
will be able to fully understand the evolution and star formation in disk galaxies
in the presence of live stellar arms, radiative processes, star formation and related
feedback, and various dynamical instabilities.
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Here, we derive an equation for the evolution of the perturbed PV. Equation (3.3)









































+ vT · ∇ (A.3)
is the Lagrangian time-derivative, and we have used the identity vT · ∇v = vT ·
∇vT + qΩuT .
Differentiating Equations (A.1) and (A.2) with respect to y and x, respectively,
and then subtracting the resulting equations, we obtain
D
Dt























168 Appendix: Potential Vorticity
where ξ is the PV defined in Equation (3.10). Equation (A.5) states that ξ is in
general not conserved in magnetized flows, which is in contrast to the hydrodynamic
case where Dξ/Dt = 0.








where ξ0 is the PV in the background unperturbed shock (Eq. (3.17)). Analogous
to Equation (3.25), we define the amplitude Ξ1 of ξ1 as






































The terms in the first parentheses in the right-hand side of Equation (A.8) are due
to magnetic tension, while those from magnetic pressure are given in the second
parentheses.
A formal solution of Equation (A.8) is given by
Ξ1(x) = (Ξ
s+













Lagrangian time elapsed from the shock front, and kx(x) = (Re(ω)− vT0ky)/uT0 is
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representing to the contributions to the perturbed PV due to magnetic tension and
magnetic pressure, respectively.
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Appendix B
Method of obtaining 1D
Equilibrium Shock Profile
The coefficient of duT0/dx in the left-hand side of Equation (3.15) vanishes at the











which is a cubic equation in uT0. A subsonic gas should accelerate to a supersonic
speed through the magnetosonic point. To obtain smooth solutions, we expand uT0
and v0 around x = xmp as
uT0 = α0 + α1η + α2η
2 +O(η3), (B.2a)
v0 = γ0 + γ1η + γ2η
2 +O(η3), (B.2b)
where η ≡ x − xmp and α0 denotes the positive real root of Equation (B.1) for
given uc, cs, and β. The coefficients α1,2 and γ0,1,2 are to be determined by series
expansions near η = 0.
Substituting Equation (B.2) in Equations (3.13) and (3.15) and keeping terms
171
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With these coefficients, uT0 and v0 in Equation (B.2) vary smoothly near the mag-
netosonic point.
The equilibrium spiral-shock profiles should satisfy the following jump conditions
at the shock front, x = xsh:










∆s (v0) = 0, (B.8c)
∆s (uT0B0) = 0, (B.8d)
where ∆s (f) ≡ fs+ − fs−, with the superscripts “s+” and “s−” representing the
quantities evaluated at the immediate behind (x = xsh + 0) and ahead (x = xsh− 0)
of the shock front, respectively. Note that Equations (B.8a) and (B.8d) are satisfied
automatically from Equations (3.11) and (3.14).
Equilibrium profiles of magnetized spiral shocks can be constructed as follows.
For given F and β, we first choose the magnetosonic point xmp arbitrarily, and
integrate Equations (3.13) and (3.15) starting from x = xmp in both the upstream
and downstream directions. We apply the periodic boundary conditions at x/L =
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±1/2 and determine the shock position xsh by imposing Equation (B.8c). We then
check whether Equation (B.8b) is also fulfilled. If not within tolerance, we return to
the first step to change xmp until all the jump conditions are satisfied.
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Appendix C
Coefficients of the Perturbation
Variables Near the
Magnetosonic Point
In this Appendix, we present how we calculate the coefficients a0,1, b0,1, c0,1, and
d0,1 in Equation (3.38).
Plugging Equations (B.2) and (3.38) into Equation (3.26), at first, the zeroth-














−1 (k2yα20 + 2iωD,spα1 + ω2D,sp) d0 = 0, (C.1)
where θ = c2s/α
2
0.
On the other hand, the first-order terms give
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[
iωD,spα1 (3− 2θ)− ikyγ1mα0θ − 2 (1− θ) (α21 − α2α0)
]
a0[
(4α2 + ikyγ1m) (2− θ) + 2α1α−10 (1− θ) (iωD,sp − 2α1)
]
b0 − ikyα1 (3− 2θ) c0





0 + 2iωD,spα1 + ω
2
D,sp)(−2α1α−10 d0 + d1)




where ωD,sp = ω − (0.5− xmp/R+ γ0/R)Ωky and γ1m = γ1 − Ω.
Similarly, we substitute Equations (B.2) and (3.38) into Equation (3.27). The
zeroth-order terms lead to Equation (C.1), while the first-order terms result in[
ikyγ1mc
2





iωD,spα1 (2θ − 1)− α21 (1− θ)− 2α2α0 (1 + θ)











a1 − [α1α0 (7− 3θ)− iωD,spα0 (2− θ)] b1
+ (ikyc
2




0 + 2iωD,spα1 + ω
2
D,sp)(−α1d0 + α0d1)




Finally, the zeroth-order terms of Equations (3.28) and (3.29) after substituting


























Once a0, b0 and d0 are given, one can calculate c0, c1 and d1 from Equations
(C.1), (C.4) and (C.5), respectively, and then a1 and b1 by solving Equations (C.2)
Appendix: Coefficients near the Magnetosonic Point 177
and (C.3) simultaneously. Therefore, the solutions near x = xmp can be specified by
three constants a0, b0 and d0.
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Appendix D
Jump of Potential Vorticity at
Distorted Shock Front
Here we derive an algebraic expression for the jump condition of the perturbed PV,









1 , and M
s−
1 ) and Z1.
With the help of Equation (3.19), the jump conditions (Eq. (B.8)) of the back-
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and
B ≡ 1− µ
M2
. (D.5)
Note thatM = µ1/2, A = 1/(1+µ), and B = 0 for isothermal hydrodynamic shocks.
Table 3.1 shows that M is insensitive to β for given F . Both A and B are positive
definite.












while Equation (3.37) is simplified to
M s+1 = M
s−
1 + (µ− 1)(uc/u
s−
T0)Z1. (D.7)































Plugging Equation (D.8) into Equation (D.6) allows to write Ss+1 in terms of the
preshock quantities. Lastly, Equation (3.36) together with Equation (D.7) gives



















M s−1 . (D.9)
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1 , and M
s+
1 in Equation





















































































In the limit of vanishing magnetic fields (M2 → µ and A → (1 + µ)−1), ES =




















V s−1 , (D.17)
identical to Equation (A8) of Paper I. Paper I showed that the ωsDZ1 term in Equa-
tion (D.17) is responsible for the production of the PV at a disturbed shock, while
the terms involving U s−1 and V
s−






적으로 변화시키고, 각운동량을 변화시켜 은하 원반의 질량을 재분배하는 역할도
한다. 그러므로 나선팔의 중력 포텐셜과 기체 사이의 물리적 관계를 이해하는 것은
은하의 진화를 연구하는데 매우 중요하다. 본 학위 논문에서는 수치 실험과 이론
계산을 통해 나선팔에 의해 야기된 기체의 구조적 및 역학적 진화를 조사하고 기체
자체 중력과 자기장 등과 같은 다양한 물리적 기작이 기체 구조에 미치는 영향을
정량적으로 살펴보고자 한다.
본연구는우선 2차원수치모의실험을통해나선팔에의한자체중력을고려한
기체의 비선형적 진화에 대해 살펴보았다. 나선팔의 패턴 속도와 세기를 달리하면
서 실험한 결과, 나선팔에 의해서 형성된 충격파의 형태와 길이, 질량 유입률은
나선팔의 물리량에 큰 영향을 받음을 확인하였다. 준 평형 상태의 나선 충격파를
형성하기위해서기체는나선팔포텐셜에대한국부적인음속보다빠르게움직여야
하고, 다른 나선팔을 만나기 전까지 충분한 시간이 있어야 한다. 수치 모의 실험의
결과로부터,본연구는준평형상태의나선충격파의형성조건을간단한식으로표
현하였고, 이는 이전 연구 결과와 잘 일치함을 보였다. 또한 동시회전 반경 내 기체
유입률는약 0.5−3.0 M yr−1의값을가지며,전체기체유입률에미치는물리적인
영향은 충격파에 의한 에너지 손실이 약 50%, 외부 포텐셜과 자체 중력 포텐셜의
회전력이 각각 40%와 10%임을 알아내었다. 일반적으로 포텐셜의 깊이가 깊어질수
록 충격파는 포텐셜의 최소점 가까이에 형성된다. 이러한 경향성은 나선팔과 기체
충격파 사이의 피치각의 차이를 가져오게 되는데, 나선팔의 세기가 작을수록 패턴
속도가 클수록 이 값은 커지는 것을 본 연구를 통해 정량적으로 확인하였다. 본
연구는 시선 방향 속도와 충격파 밀도 분포가 나선팔의 패턴속도가 빠른지 느린지
판단할 수 있는 진단 도구가 될 수 있음도 함께 확인하였다.
은하 나선팔에는 기체 세부 구조도 다양하게 나타나며, 이러한 세부 구조를 형
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성하는 대표적인 물리적 요인은 구불어짐 불안정(wiggle instability, WI)이다. 아직
WI의 특성은 명확히 밝혀지지 않았지만, 본 연구 그룹에서 진행했던 자기장을 고
려하지 않은 연구에서 WI는 왜곡된 충격파 면에서 형성된 포텐셜 와도가 꾸준히
축적되면서 만들어 진다고 설명하였다. 보다 현실적인 은하 환경을 고려하기 위해,
본 연구에서는 자기장을 포함한 선형 안정 분석 및 국부 수치 모의실험을 수행하
였다. 자기장은 충격파의 세기를 감소시키는 동시에 충격파 면을 상류 방향으로
이동시키는 역할을 한다. 특히 충격파면에 의해 왜곡된 자기장이 아니라 초기 왜곡
이 일어나지 않은 자기장이 충격파의 세기를 감소시키면서 WI의 성장을 억제하는
역할을 함을 확인하였다. F = 5%일 때, 플라즈마 파라미터가 β = 3−∞로 변함에
따라 WI의 성장률은 궤도 각속도의 약 ∼ 0.2 − 1.4배 정도가 되고, 평균 간격은
나선팔 간격의 0.1 − 0.2배 정도가 된다. 이는 관측된 세부 구조의 물리량과 매우
유사하다.
본 학위 논문의 마지막 단계로 진행한 연구는 자기장을 고려한 은하 원반의
수치 모의실험으로, 이는 앞서 연구가 가지고 있던 한계점을 일부 보완하는 연구
이다. 실제 관측에서 얻은 원반 모형의 초기 조건과 자기장 관측 결과를 이용하여
고해상도 자기 유체역학 모의 실험을 진행하였다. 자기장은 기체 충격파의 세기를
감소시키는 동시에 강한 자기 스트레스를 만들어 냄으로써 자기장이 강한 모형은
자기장을 고려하지 않은 모형에 비해 더 큰 피치각의 차이와 질량 유입률을 보인
다. 또한 앞서 국부 실험에서 확인한 바와 같이 자기장은 WI의 성장을 억제시키고,
기체 세부 구조간의 간격을 증가시키는 역할을 한다. 굉장히 강한 자기장을 갖는
모형의 경우, 동시회전 반경 근처에서 밀도는 낮지만 자기장의 세기가 강한 자기
나선팔을 확인할 수 있다. 동시회전 반경 근처에서는 기체의 주전원 운동에 의해
충격파가두개로분리가되고나선팛을따라늘어난자기장은이두충격파사이에
갇히게 된다. 이에 더해 4/1 공명 반경에서 형성된 공명 구조로 인해 자기장이 더
이상 안쪽으로 뻗어나가지 못하면서, 시간이 지남에 따라 공명 반경 사이에서 자기
장의 세기는 계속 증가하게 되고 종국에는 자기 나선팔로 나타난다. 이러한 모습은
M83과 같은 은하에서 관측되는 자기 나선팔과 매우 유사하다.
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